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The synthesis of nuclei in diverse cosmic scenarios is reviewed, with a summary of the
basic concepts involved before a discussion of the current status in each case is made.
We review the physics of the early universe, the proton to neutron ratio influence in the
observed helium abundance, reaction networks, the formation of elements up to beryllium,
the inhomogeneous Big Bang model, and the Big Bang nucleosynthesis constraints on
cosmological models. Attention is paid to element production in stars, together with the
details of the pp chain, the pp reaction, 3He formation and destruction, electron capture
on 7Be, the importance of 8B formation and its relation to solar neutrinos, and neutrino
oscillations. Nucleosynthesis in massive stars is also reviewed, with focus on the CNO cycle
and its hot companion cycle, the rp-process, triple-α capture, and red giants and AGB stars.
The stellar burning of carbon, neon, oxygen, and silicon is presented in a separate section,
as well as the slow and rapid nucleon capture processes and the importance of medium
modifications due to electrons also for pycnonuclear reactions. The nucleosynthesis in
cataclysmic events such as in novae, X-ray bursters and in core-collapse supernovae, the
role of neutrinos, and the supernova radioactivity and light-curve is further discussed, as
well as the structure of neutron stars and its equation of state. A brief review of the element
composition found in cosmic rays is made in the end.
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1. Introduction

Nuclear astrophysics is the science behind the synthesis of nuclei in temperature and pressure conditions existingwithin
stars. It encompasses the synthesis and time evolution of nuclear abundances occurring through thermonuclear reactions
from the Big Bang to the present date. Although the temperatures during the Big Bang were very high, the densities were
low compared to typical stellar environments and only elements up to helium were produced appreciably. Hydrogen (75%)
and helium (25%) remained as the source elements from which stars were formed long after the Big Bang Nucleosynthesis
(BBN) stopped. Small traces of other elements such as Be and Li isotopes were also produced in the BBN. The oldest stars
(population III stars) were formed from these and few other light primordial nuclei. One theorizes that population III stars
with large masses exhausted their nuclear fuel quickly and ejected heavier elements synthesized in their cores in very
energetic supernovae explosions. Population II stars, found in the bulge and halo of galaxies, are the next generation of stars
and very metal poor stars, but can form elements such as carbon, oxygen, calcium and iron. These elements were dredged
up from the core of stars and ejected bymeans of stellar winds to the interstellarmedium. A few of these stars, much heavier
than our Sun, have also exploded, ejecting heavier elements. This stardust gave rise to a new generation of stars, population
I stars, usually found in the disk of galaxies and with the highest metallicity content of all three populations.

BBN is of impressive success, and has been used as a test of many new theories in physics, ranging from cosmology
to particle and nuclear physics. In this review article we will discuss the state-of-the-art understanding of the physics of
element production in the Universe and the challenges we face in nuclear astrophysics. In Section 2 we discuss the physics
of the Big Bang both from the point of view on how particles, matter, and space evolve, and also on how nuclei are formed
from the pre-existing nucleons during the BBN. In this section we discuss the physics of the early Universe, the proton to
neutron ratio influence in the observed helium abundance, reaction networks, the formation of elements up to beryllium,
the inhomogeneous Big Bangmodel, and the BBN constraints on cosmological models. In the following Section 3 we discuss
the physics of element production in stars, starting with the Sun which belongs to population I stars. The Sun is burning
hydrogen into helium slowly for about 4.5 Gyr and will continue to do it for 5 Gyr more. Nuclear reactions are responsible
for the evolution and life-cycle of the stars, not only yielding internal heat, but also synthesizing heavier elements than those
manufactured in the early Universe. Stars with masses small compared with the solar mass did not evolve and may be still
burning hydrogen, and some have already ended up as dwarf stars. In Section 3 we present the general concepts in stellar
nucleosynthesis, the pp chain, the pp reaction, 3He formation and destruction, electron capture on 7Be, the importance of
8B formation and its relation to solar neutrinos, and neutrino oscillations.

The metallicity of a star is defined as the proportion of chemical elements heavier than helium. E.g., the Sun has a
metallicity of about 1.8% of its mass. Metallicity is often denoted by ‘‘[Fe/H]’’, the logarithm of the ratio of iron abundance
compared to the iron abundance in the Sun. Iron is used a reference because it is easy to identify with spectral data in



58 C.A. Bertulani, T. Kajino / Progress in Particle and Nuclear Physics 89 (2016) 56–100

the visible spectrum. The gas from which Population I stars formed has been seeded with heavy elements produced in
ancient giant stars. Such ancient stars still reside within star clusters. Globular clusters are spherical star clusters with
about 10 parsecs of radius and are strongly concentrated in the galactic center. They usually contain ∼105−6, mostly old
stars with the age of about 14 Gyr, as old as the Universe. Population II stars are found in globular clusters, and are older,
less bright and cooler than population I stars, with fewer heavy elements. Populations I and II stars differ in their age and
their metallicity. Population III stars, with very low metallicity, have been formed within 106–107 years after the Big Bang.
In Section 4, nucleosynthesis in massive stars is reviewed, with focus on the CNO cycle and its hot companion cycle, the
rp-process, triple-α capture, and red giants and AGB stars. The stellar burning of carbon, neon, oxygen, and silicon is
discussed in Section 5. The slow and rapid nucleon capture processes are reviewed in Section 6. The important medium
modifications due to electrons and pycnonuclear reactions are discussed in Section 7.

One of the most astounding phenomena in the Universe are stellar runaway events, such as novae and supernovae
stars. The nucleosynthesis in stellar scenarios such as in novae, X-ray bursters and in core-collapse supernovae, the role
of neutrinos, and the supernovae radioactivity and light-curve is discussed in Section 8. The structure of neutron stars, the
search for a good equation of state to reproduce its characteristics such as mass versus radius relation and a possible quark
transition phase is introduced in Section 9. Finally, in Section 10we briefly discuss the element composition found in cosmic
rays.

It is impossible tomake proper references to all seminal works in this vast field of science. Therefore, we apologize before
hand to all authors whose valuable work were not referenced in this article.

2. Big Bang nucleosynthesis

The observed 4He abundance is one of themajor predictions of the Big Bang Nucleosynthesis (BBN)model. 4He is produced
in nuclear fusion reactions in stars, but most of its presence in the Sun and in the Universe is due to BBN, and that is why
it is often called by primordial helium. In order to explain the primordial helium abundance, the neutron to proton ratio at
the moment when nucleosynthesis started should have been very close to n/p = 1/7. This is because hydrogen and helium
comprise almost 100% of all elements in the Universe, and thus all neutrons existing in the primordial epoch must have in
ended up inside helium. If n/p = 1/7 then for every 14 protons there were 2 neutrons and they combined with 2 protons to
formhelium,with 12 protons remaining. In this simple algebra, for every 4He nucleus, with 4 nucleons, there are a total of 16
nucleons in the Universe and the mass ratio of helium to all mass in the Universe is 25%, whereas 75% (12/16 = 3/4) is the
mass ratio for hydrogen. This is indeed what is observed in the visible Universe, with a very small trace of heavy elements.

In the following we will make a short survey of the physics of the early Universe and how one can explain the ratio
n/p = 1/7 at the beginning of nucleosynthesis era after the Big Bang. This is also shown schematically in Fig. 1. Although
they are very small, the abundances of other light elements can be reasonably well explained with the BBN model. One
exception maybe the lithium abundance.

2.1. Physics of the early universe

The physics of the early Universe can be formulated in terms of the laws of thermodynamics and statistics and with
the assumption that particles are relativistic (see, e.g., the textbooks on cosmology in Refs. [1–6]). It also relies on the
Cosmological Principle of a homogeneous and isotropic Universe. The number density, n, energy density, ρ, and entropy
density, s, of particles in the early Universe are found to be related to the temperature as

n =
ξ(3)
π2

g ′(T )T 3, ρ = 3p =
π2

30
g(T )T 4, s =

p+ ρ

T
=

2π2

45
g(T )T 3, (1)

where ξ(s) =

∞

n=1 1/n
s is the Riemann Zeta function,1 p is the pressure and T the temperature in units of the Boltzmann

constant kB.2 The temperature dependence in these relations is easily understood. At a temperature T , the particle density
n increases with T 3 as their momentum states (kx, ky, kz) will roughly fill up to energy (T , T , T ) and n ∝ k3. For the
energy density ρ, an extra power of T appears because each particle has energy T . Therefore, the energy density in the early
Universe is governed by the T 4 law and is due to relativistic particles, namely, photons, electrons, positrons, and the three
neutrinos.

In Eq. (1), the factors g and g ′ account for the number of degrees of freedom for bosons, b, and fermions, f , with the
appropriate spin statistics weights,

g ′(T ) = gb(T )+
3
4
gf (T ), and g(T ) = gb(T )+

7
8
gf (T ). (2)

1 ξ(3) = 1.202 . . . is the Apéry’s constant.
2 Here we use units h̄ = c = kB = 1.
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Fig. 1. Left: At t . 1 min the Universe was very hot, T & 109 K, and protons were more abundant than neutrons in the proportion 7:1. When H and He
nuclei were formed, almost all neutrons ended up inside He nuclei yielding 1 helium for every 12 hydrogen nuclei. This explains why 75% of the Universe’s
visible mass is in hydrogen nuclei and 25% is in helium nuclei. Right: The 12 most important nuclear reactions (arrows) for Big Bang nucleosynthesis and
the nuclei involved.

Table 1
Properties of the early Universe according to Friedmann cosmology: particle energy,
temperature, radius scale and elapsed time. The subindex 0 means present time [2–6].

Energy T (K) a/a0 t (s)

∼10 MeV 1011 1.9× 10−11 .01
∼1 MeV 1010 1.9× 10−10 1.1
∼100 keV 109 2.6× 10−9 180
∼10 keV 108 2.7× 10−8 19,000

The factors 3/4 and 7/8 arise due to the different fermionic and bosonic energy distributions in the integrals used to obtain
n, ρ and s [2]. At the early stages, the Universe is also assumed to be free from dissipative processes such as phase-transitions
which can change the overall entropy. Then the following equations for the ‘‘comoving entropy’’ holds [6],

d(sa3)
dt
= 0, so that s ∝

1
a3

, and T ∝
1
a
, (3)

where a is a scale factor such that the distances in the Universe are measured as r = aζ , where r is the distance to a point
and ζ is a dimensionless measure of distance. Thus, one predicts that in the early Universe the temperature decreased with
the inverse of its ‘‘size’’.

The dynamics of the early Universe is governed by the Friedmann equation, which can be easily obtained from Newton’s
law of an expanding gas interacting gravitationally [2–6]. It reads

ȧ
a

2

=
8πGρ

3
. (4)

Thus the ratio of expansion of the early Universe (known as the Hubble constant), H = ȧ/a, is proportional to the square
root of its energy density, H ∝

√
ρ. A more general form of the Friedmann equation is given by Ωm+Ωk+ΩΛ = 1, where

Ωm = ρ/ρcrit is the matter density parameter of the Universe, ρcrit = 3H2/8πG is the critical density, Ωk is the curvature
density parameter (for a flat Universe, Ωk = 0), and ΩΛ = Λ/3H2 is the vacuum energy parameter, or dark energy, density.
Here, Λ is Einstein’s cosmological constant. Table 1 lists the ratio of the scale factor at the different epochs with that at the
present time (denoted by index ‘‘0’’).3

Eq. (4) can be readily integrated, using Eq. (1), yielding the time–temperature relationship [7]

t(s) ≃
2.4
T 2
10

, (5)

where TX is the temperature in units of 10X K. But in order to get the time evolution right one needs to account for
temperatures when particle energies changed enough so that phase transitions occurred. For example, at about 150–400
MeV quarks and gluons combined to form nucleons, thus changing the value of the available degrees of freedom g of
relativistic particles. This will change the time–temperature relationship, Eq. (5), accordingly. The observation of a perfect
Planck spectrum for the Cosmic Microwave Background (CMB) is a testimony of our hot and dense past and directly
demonstrates that the expansion of the Universe was adiabatic (with negligible energy release) back to at least t ∼ 1 d.

3 To convert Kelvins to eV: 1 eV = 11,600 K, or 1 K = 8.6× 10−5 eV.
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With the proper inclusion of nucleosynthesis processes, we can even go back to obtain the proper temperature when t ∼ 1
s [6].

The several evolution steps of the Universe since the Big Bang to the present epoch are summarized in the following list
(for more details, see Refs. [2–6]):

1. Planck era—from zero to 10−43 s (Planck time): During this period, all four known fundamental forces were unified, or
equally strong. The distance light travels within the Planck time is 1.6× 10−35 m and this value should be the size of the
Universe. The temperature was of the order of 1032 K, corresponding to a particle energy of 1019 GeV.

2. Grand Unified Theory (GUT) era—up to10−38 s: During this time the force of gravity ‘‘freezes out’’ and becomes distinct
from the other forces. The temperatures ran around 1027 K, or 1014 GeV.

3. Electroweak era—10−38–10−10 s: The strong force ‘‘freezes out’’ and becomes distinct from the other forces. In this era,
Higgs bosons collide to create W and Z bosons that carry the electroweak force and quarks. The temperatures are of the
order of 1015 K, or 100 GeV.

4. Particle era—10−10–10−3 s: During this era, the Universe expanded and cooled down so that at its end protons and
neutrons begin to formout of free quarks. Temperatureswere of the order of 1013 K, or 1 GeV. At the end of this era,W and
Zbosonswere nomore created and they starteddecaying. The electroweak force then separated from the electromagnetic
force and became the short-range weak force as we know at present.

5. Nucleosynthesis era—10−3 s to 3 m: Even at 10 s, the temperature was high enough so that the energy was passed from
electrons and positrons to photons. But as the temperature cooled down in this era, protons and neutrons started fusing
into the deuteron, and nuclear fusion started creating helium, and tiny amounts of heavier elements. This is the era of
the Big Bang that we are interested in this review.

6. Era of nuclei—3 min to 400,000 yrs: During this era the temperature was still too hot (&3000 K) so that electrons were
not bound to nuclei.

7. Era of atoms – after 400,000 yrs – Electrons and nuclei combined into neutral atoms. The first stars were then born. We
are also interested in this epoch of the Universe and what comes later, as they are related to stellar nucleosynthesis and
stellar evolution.

8. Era of galaxies – after 200,000 million yrs – During this time, galaxies begin to form, but at a much higher rate than at
present.

When electrons recombined with protons and helium nuclei to form neutral atoms, the photons and baryons decoupled
and the Universe became transparent to radiation at ∼400,000 yrs. Oscillations in the photon and baryon densities at
this time would lead to tiny variations of 1 part in 105 in the temperature observed in the microwave background. The
Wilkinson Microwave Anisotropy Probe (WMAP) has observed these anisotropies and decomposed them in terms of
spherical harmonics, with the expansion coefficients describing the magnitude of the anisotropy at a certain angle and
closely correlated with the cosmological parameters. These studies lead to the extraction of the values h = 0.705 ± 0.013
for the dimensionless Hubble constant, h = H/(100 km s−1), and Ωmh2

= 0.0227 ± 0.0006. One also gets from these
observations, t0 = 13.72 ± 0.12 Gyr for the Universe age, ρcrit = (9.3 ± 0.2) × 10−30 g cm−3 for the critical density, and
Ωb = 0.044 ± 0.003 for the baryon density parameter [8,9]. The Planck mission, with a higher resolution and sensitivity
than WMAP, obtained h = 0.674± 0.014, Ωmh2

= 0.02207± 0.00033, and t0 = 13.813± 0.058 Gyr [10].

2.2. Proton to neutron ratio and helium abundance

Wewill assume that the laws of physics were the same now and during the Big Bang so that we can predict its behavior.
During the early stages (t ∼ 0.01 s) only γ , e± and three neutrino families were present in the Universe. The only existing
baryons were neutrons, n, and protons, p. To agree with present observations, calculations based on known physics need to
assume a value for the baryon-to-photon ratiowas η ≡ nB/nγ . We do not knowwhy, but as the Universe cooled, a net baryon
number remained. Right before nucleosynthesis there were protons and neutrons, not many antineutrons and antiprotons.
Sakharov [11] proposed that in order to generate more baryons than anti-baryons, a set of physics conditions (now dubbed
as Sakharov conditions) had to apply. These are: (a) there must be a baryon number violation, as well as (b) a violation of
charge (C) and charge–parity (CP) symmetry, and (c) the interactions between all particles before the baryon-anti-baryon
asymmetry set in must be out of equilibrium. The combined charge–parity–time (CPT) symmetry has to be respected
because antiparticles have the same mass as their corresponding particles, with opposite charges. The Sakharov condition
(a) is necessary if baryons are more numerous than anti-baryons, whereas the condition (b) is also needed, otherwise the
overproduction of baryons would also be annulled by anti-baryons being produced by the charge-symmetric equivalent
reactions/decays. Additionally, CP-symmetry needs to be violated to avoid that left-handed baryons and right-handed anti-
baryons (and vice-versa) be produced in equal amounts. Finally, CPT symmetry under equilibrium conditions would lead
to a balance in loss and gain of baryons and anti-baryons, thus demanding out of equilibrium conditions. One has observed
experimentally that CP violation exists [12]. But there is no evidence that baryon number is not conserved, although the
Standard Model (SM) of particle physics (and beyond it) does not require baryon number conservation [13]. The reasons
why the Universe is made predominantly of matter, with extremely small traces of anti-matter, constitutes some of the
most fascinating problems in particle cosmology. For a review on baryogenesis and the possible mechanisms for baryon
production, see, e.g., Ref. [14].
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The baryonic density of the Universe has been inferred from the observed anisotropy of the CMB radiation which reflects
the number of baryons per photon, η. The number density of photons remains constant after the epoch of electron–positron
annihilation, which happened during 4–200 s. The η ratio remains constant during the expansion of the Universe because
baryon number is also conserved. Big Bang models are consistent with the observations from WMAP yielding the value
η = (6.16± 0.15)× 10−10 [8]. The CMB observations yield T = 2.725± 0.001 K [15], and is given by nγ = 410.5 cm−3. At
t ∼ 0.01 s and T ∼ 1011 K the thermal energies were kT ∼ 10MeV≫ 2mec2. Therefore, electrons, positrons and neutrinos
were in chemical equilibrium by means of charged- and neutral-current interactions, that is,

p+ e− ←→ n+ νe, n+ e+ ←→ p+ ν̄e

p←→ n+ e+ + νe, n←→ p+ e− + ν̄e. (6)

According to the Boltzmann–Gibbs statistics, the neutron-to-proton ratio at this time should be

n
p
=

e−mn/kT

e−mp/kT
= e−∆m/kT , (7)

where ∆m = 1.294 MeV. At T = 1011 K, kT = 8.62 MeV and n/p = 0.86, i.e., there were more protons than neutrons.
Fermi’s theory of the weak interaction predicts that the weak rates in Eqs. (6) drop rapidly with T 5. At some temperature
the weak rates were so slow that they could not stay in pace with other changes in the Universe. A decoupling temperature
existed when the neutron lifetime and the Hubble expansion rate, H = ȧ/a, were similar. The neutrinos start to behave
as free particles, and for T < 1010 K they are ineffective, i.e., matter became transparent to them. This temperature is
equivalent to thermal energies of∼1 MeV, comparable to the energy for creation of electron–positron pairs. Electrons and
positrons start to annihilate, and for some unclear reason a small excess of electrons remained. Neutrons and protons could
be captured at this temperature, but the thermal energies were still too high and would dissociate the nuclei.

Because neutrinos were ineffective (i.e., decoupled), e± annihilation has heated up the photon background relative
to them. A numerical calculation using the available degrees of freedom finds that the ratio of the two temperatures
is [6] Tν/Tγ = (4/11)1/3. The weak decay reaction n↔ p breaks out of equilibrium, and the n/p ratio becomes n/p =
exp [−∆m/kT ] = 0.25, which means a large drop of the n/p ratio. This is still not 1/7, the value required to explain the
observed helium abundance (see Fig. 1). But the ν-induced reactions still favored the proton-rich side. We are now at 1 s (1
MeV) after the Big Bang and in the following 10 s the n/p ratio will decrease to about 0.17–1/6 [6]. In a timescale of about
10min the neutron β-decaywill drive the n/p ratio to its magic 1/7 value. This sequence of physics processes is summarized
in Fig. 2, left, based on real calculations [16].

We also conclude that the first nuclei were formed within less than 10 min, as β decay cannot continue and keep the
n/p ratio equal to the 1/7 steady value. The nucleon gas in the early Universe was dilute and nuclei are therefore created via
two-body reactions. The lightest two-nucleon system, the deuteron, has only one bound-state, with a small binding energy
of 2.24 MeV. Neutrons and protons form the deuteron by means of the radiative capture reaction

n+ p↔ d+ γ . (8)

This reaction is very fast because it is electromagnetic and it is therefore in equilibrium during the early Universe. Hence,
the ratio of (n+ p) pairs to the number of deuterons is obtained using the Boltzmann–Gibbs statistics,

Nn+p→d+γ

Nd+γ

=
ndnγ exp [−∆m/kT ]

npnn
. (9)

We can assume that at the time the deuteron was formed np/nγ ∼ η and nn ∼ nd, i.e., half of the neutrons are inside
deuterium nuclei. Thus, exp [−2.24 MeV/kT ] ∼ η ∼ 10−9, and we get the temperature when deuterium is formed as
Tdeuterium ≃ 1.25 × 109 K or tdeuterium ∼ 100 s. Therefore, nucleosynthesis begins at about 100 s after the Big Bang. A
numerical calculation of the ratio n/p from the time of the weak freeze-out, or decoupling (∼1 s), to 100 s yields

n
p
∼ 0.15 ∼

1
7
. (10)

Hence, the n/p ratio is a ‘‘fingerprint’’ of the thermal history of the primordial Universe.
At the start of nucleosynthesis, T ∼ 100 keV, whereas we would have expected it to be about 2 MeV, the deuterium

binding energy. This is due to the very small value of η. Based on cross section estimates, the reaction rate for deuteron
formation at T ∼ 100 keV is

σv(p+ n→ d+ γ ) ≃ 5× 10−20 cm3/s. (11)

This implies a density ρ ∼ 1/σv ∼ 1017 cm−3 for t ∼ 100 s. The density in baryons today is obtained from the observations
of the density of visible matter, ρ0 ∼ 10−7 cm−3. As the baryon density n is proportional to R−3 ∼ T 3, the temperature
today should be T0 = (ρ0/ρ)1/3TBBN ∼ 10 K, which is in fact close to the observed 2.725 K temperature of the CMB [17].
Numerical calculations show that 3.5 min after the Big Bang the temperature decreases to 3 × 108 K and the density is
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Fig. 2. Left: The neutron-to-proton ratio is shown as a function of time (lower scale) and temperature (upper scale). The n/p ratio at equilibrium, given by
exp(−∆m/kT ), is displayed by the dashed curve. The time-decay of free neutrons, exp(−t/τn), is given by the dotted curve. The solid curve is the total n/p
time dependence. The sudden fall-off at a few hundred seconds is due to the onset of BBN. Right:Mass and number fractions of nuclei during the BBN as a
function of temperature and time. 4He is presented as amass fraction and the other elements are given as number fractions.
Source: Left: Adapted from [16].

10−4 kgm−3 [16,18–24]. At this time the Universe consists of 70% photons, 30% neutrinos, and only 10−7% of other particles.
From those about 70%–80% is hydrogen and 20%–30% is helium, and the associated number of electrons.

The p+n→ d+γ cross section in Eq. (11) at the BBN energies, 0.02 < E < 0.2MeV, is not well known experimentally,
but it can be deduced by detailed balance from its inverse reaction γ + d→ p + n, as realized in the 1940’s [25–30]. The
deuteron photodisintegration from the threshold to 20MeV photon energy is largely correlated with the deuterium binding
energy and with the triplet effective-range of the neutron–proton interaction and the dependence of the cross section
on the γ -energy is not influenced appreciably by the details of the interaction [25–30]. Since then, there has been many
attempts to decrease the uncertainty between theory and experiment based on the improvements in our knowledge of the
nucleon–nucleon interaction [31]. Perhaps worth mentioning are the efforts carried out by using effective field theoretical
(EFT) methods in achieve a high accuracy, of the order 3% for the region of interest for BBN [32–35]. These results, as well as
others based on the potential model [36], or meson exchange currents [37], are in excellent agreement with experimental
measurements [38,39]. A much higher precision than 3% might not be necessary, as the np fusion plays a small role in the
uncertainty of the baryon density in the early universe [40].

2.3. Reaction networks

The reaction network with the main nuclei involved in BBN is illustrated in Fig. 1, right. Each nucleus may be formed
through reactions indicated by the arrows. The number of reactions per unit volume and time is given by r = σvnjnk, or,
more generally [41,42],

rj,k =


σ |vj−vk |d
3 njd3nk, (12)

where the target number density is given by nj, the projectile number density is given by nk, and v = |vj − vk| is
the relative velocity between target and projectile nuclei. It is reasonable to assume that the velocity, or kinetic energy,
distribution of nuclei in an astrophysical plasma obey the Maxwell–Boltzmann distribution (MB). The MB distribution is
based on the following assumptions: (a) the collision times are much smaller than the average time between collisions,
(b) the interactions are local, (c) the particle velocities at a point are not correlated, and (d) the energy is conserved in the
collisions. Alternative theories have been used to describe systems with long-range interactions and memory effects, such
as those proposed in Refs. [43,44], also known as non-extensive statistics. The deviation from the Maxwellian distribution
and its implications for nuclear burning in stars have been studied in Refs. [45–47]. For the BBN it has been shown that no
appreciable changes in the abundance of light elements are obtained unless large changes are made in the MB distribution,
through the modification of the non-extensive parameter q [48]. Using the MB distribution, the reaction rates in plasmas in
thermodynamical equilibrium are given by

d3nj = nj

 mj

2πkT

3/2
exp


−

m2
j vj

2kT


d3j vj. (13)

The reaction rate ⟨σv⟩ is the average of σv over the velocity distribution in (13),

rj,k = ⟨σv⟩j,k
njnk

1+ δjk
, where ⟨σv⟩j,k =


8

mjkπ

1/2

(kT )−3/2

∞

0
Eσ(E) exp


−

E
kT


dE. (14)
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In this equation, mjk is the reduced mass of the two nuclei and the factor δjk is introduced to account for double-counting
when nuclei j and k are of the same species. For charged particles the cross section σ(E) strongly (exponentially) decreases
as the relative energy E of the particles decrease due to the increasing difficulty the particles have to overcome the Coulomb
repulsion, namely, to tunnel through the Coulomb barrier. But as the energy E increases, the Boltzmann factor also decreases
exponentially. Therefore the integrand in Eq. (14) is peaked in an energy window often called by Gamow window. The peak,
or centroid, energy in thiswindow is known as theGamow energy. For light charged particles inmost astrophysical scenarios,
this energy is of the order of a few tens, or at most a few hundreds, of keV.

If one of the particles described in Eq. (12) is a photon, the relative velocity is always c and the equation is not useful.
But one can use time-reversal symmetry to relate the photodisintegration cross section to the photon capture, or radiative
capture cross section, leading to the photodisintegration rate given by rj = λj,γ nj, where λj,γ is averaged over a Planck
distribution of photons at temperature T ,

λj,γ (T ) =


ZlZm
Zj


mlmm

mj

3/2 mukT
2π h̄2

3/2

⟨σv⟩l,m exp

−

Qlm

kT


, (15)

where mu = m12C/12 is the atomic mass unit, Qlm is the reaction Q -value, i.e., the energy gained in the reaction, Qlm =

(ml + mm − mj)c2. The average ⟨σv⟩l,m is now associated to the inverse reaction rate for radiative capture, Z(T ) =
i(2Ji + 1) exp(−Ei/kT ) are statistical weights, and mi are the mass numbers of the participating nuclei. In the case of

electron capture, the velocity of the nucleus j is negligible comparison to the electron velocity (|vj − ve| ≈ ve). Depending
on astrophysical conditions, the electron capture cross section has to be integrated over either a Boltzmann, a partially
degenerate, or a fully degenerate Fermi distribution of electron energies. The electron number density is given in terms of
the electron fraction Ye, i.e., ne = YeρNA, where ρ is the matter density and NA is Avogadro’s number.4 For a completely
ionized and neutral plasma, the electron abundance is the same as the total proton abundance in nuclei, i.e., Ye =


i ZiYi.

The electron capture rate as a function of T is then given by rj= λj,e(T , ρY e)nj.
The time evolution of number density of particles, nj, is governed by the number of reactions creating or destroying j per

volume and time. Defining the number of nuclear species i created or destroyed in the reaction j+ k+ l+· · · ↔ i by N i
j,k,l,...,

the following balance equation holds,
∂ni

∂t


ρ=const

=


j

N i
j rj +


j,k

N i
j,krj,k +


j,k,l

N i
j,k,lrj,k,l. (16)

The first term is due to the destruction or decay of the nuclear species i → j due to either photodisintegration, electron
and positron capture or neutrino induced reactions (rj = λjnj). The second term is due to two-particle reactions (rj,k =
⟨σv⟩j,k njnk), and the last term is due to three-particle reactions (rj,k,l = ⟨σv⟩j,k,l njnknl) such as the triple-alpha process
α + α + α→ 12C+ γ . The N is can be negative or positive numbers. Instead of number densities, ṅi, one often works with
nuclear abundances, Yi = ni/(ρNA), to exclude changes due to volume expansion or contraction of the plasma. For a nucleus
with mass number Ai, AiYi denotes its mass fraction, so that


AiYi = 1. In terms of nuclear abundances Yi, Eq. (16) reads

Ẏi =


j

N i
jλjYj +


j,k

N i
j,kρNA⟨j, k⟩YjYk +


j,k,l

N i
j,k,lρ

2N2
A ⟨j, k, l⟩YjYkYl. (17)

The important ingredients for the calculation of nucleosynthesis, and energy generation by nuclear reactions are (a) nuclear
decay half-lives, (b) electron and positron capture rates, (c) photodisintegration rates, (d) neutrino induced reaction rates,
and (e) strong interaction cross sections. Additional information such as the initial electron, photon, and nuclide number
densities are necessary to obtain the relative abundances of elements bymeans of the above equations. Fig. 2, right, displays
an example of predicted mass fractions as a function of temperature and time during the Big Bang. These results have
been obtained by a numerical solution of the coupled equations involving the evolution of the Universe temperature and
density according to Friedmann equation, energy and chemical composition changes due to Eqs. (16), (17) and the available
theoretical and experimental data on nuclear cross sections and decay half-lives. We have used a modified version of the
BBN code developed by Wagoner, Fowler, and Hoyle [49] and Kawano [50,51] and assumed the presently accepted values
for the baryon/photon ratio, η, and for the neutron decay lifetime [52]. At the end of the BBN almost all neutrons end up in
4He, and the element abundance depends on the neutron lifetime τn and on the number of neutrino families. The neutron
lifetime τn has an influence on the weak reaction rates due to the dependence of τn on the weak coupling constant. For a
shorter τn the reaction rates remain greater than the Universe expansion rate until a lower freezeout temperature sets in,
having therefore a strong impact on the neutron-to-proton ratio at the freezeout. The 2014 PDG recommended value for the
neutron lifetime is τn = 880.3±1.1 s [53]. Another input of the Big Bangmodel calculations is the number of light neutrino
families, Nν . The model can accommodate values between Nν = 1.8–3.9 (see, e.g., Ref. [54]). The measurement of the Z0
width in LEP experiments at CERN imply that Nν = 2.9840 ± 0.0082 [55]. A value of Nν = 3 has been used in the present
calculations.

4 In astrophysics, one often uses cgs units, as is the case here.
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It is customary to use the concept of astrophysical S-factors by factoring out the approximate value of tunneling
through the Coulomb barrier for reactions between charged nuclei. For a reaction involving charges Z1 and Z2 this value
is approximately given by exp(−2πη), called the Gamow factor. The Sommerfeld parameter is given by η = Z1Z2e2/h̄v,
where v is the relative velocity of the particles. In addition, cross-sections are essentially quantum ‘‘areas’’ proportional
to πλ2

∝ 1/E multiplied by reaction probabilities (here, the Gamow factor). Therefore, we can factorize the fusion cross
sections as

σ(E) =
exp(−2πη)

E
S(E), (18)

where the factor S(E) is the astrophysical S-factor and has a much smoother dependence with the center of mass energy E
than σ(E). For neutron induced reactions there is no Coulomb barrier and the transmission probability of a neutron through
a nuclear potential surface is proportional to its velocity v in case one assumes a sharp potential surface. Hence, it is more
appropriate to write neutron induced cross sections as

σ(E) =
R(E)

v
, (19)

where R(E) has also a smoother dependence on E. Since S-factors are rather smooth at the low astrophysical energies, it is
common to express them in terms of an expansion about E = 0 [56], i.e.

S = S(0)

1+

5kT
36E0


+ E0

dS(0)
dE


1+

15kT
36E0


+ · · · , (20)

where E0/kT = (πZ1Z2α/
√
2)2/3(µ/kT )1/3 is the Gamow energy and µ the reduced mass of ions with charges Z1 and Z2.

Non-resonant reactions induced by the weak interaction, such (p, e+ν), neutrino scattering or electron capture reactions,
are the smallest of all cross sections. Radiative capture reactions, such as (p, γ ) or (α, γ ) reactions, have also small cross
sections because they involve the electromagnetic interaction. The largest cross sections are for reactions induced by the
strong interaction such as (p, α), (d, p), or (α, n) reactions. For example the 6Li(p, α)7Be reaction is 4 orders of magnitude
larger than the 6Li(p, γ )3He reaction.

2.4. BBN of elements up to beryllium

Once deuterium is formed, reactions proceed quickly to produce helium by means of

d(n, γ )3H, d(d, p)3H, d(p, γ )3He, d(d, n)3He, 3He(n, p)3H. (21)

At a longer time, 3H will β-decay to 3He. At En = 30.5 keV, relevant for BBN, the cross section for the reaction d(n, γ )3H
is reported as 2.23 ± 0.34 µb [57] which is very small as expected for an electromagnetic process. It is much smaller than
the other reactions and it is not considered in the BBN reaction network shown in Fig. 1, right. The existing set of data
at this energy differ by a factor of 2 and so is the uncertainty in the cross section in the range 107–109 K. The d(d, p)3H
reaction has been extensively measured experimentally [58–74]. A recent measurement of the S-factor for this reaction
yields S(0) = 55.3 keV b within a 5% error [73,74]. The reaction d(p, γ )3He has been measured in Refs. [75–80]. A study
performed in Refs. [81,82] argue for preferring theoretical calculations [83–86] over experimental results, because they
might be affected by normalization errors. At E = 10 keV the S-factor for this reaction is S = 0.286 keV b, according
to Ref. [85]. The d(d, n)3He reaction has also been measured in several experiments [58–66,72–74,87–92] and a recent
measurement reports the value S(0) = 58.6 keV b within a 5% error [73]. Data for the reaction 3He(n, p)3H have been
gathered in several experiments [93–100] and R-matrix fits [101,102]. The cross section for this reaction near the threshold
is strongly influenced by a 0+ s-wave resonance in 4He. This leads to a deviation of the cross section from the typical 1/v
law for neutron induced reactions, where v is the relative velocity of n+3He. But the function R(E) in Eq. (19) is relatively
constant at the very thermal low energies E. The value of σE1/2 at E = 0 is about 0.7 MeV1/2 b. The cross section for this
reaction is very large, of the order of kilobarns for thermal neutrons (∼2000 m/s).

When temperatures cool down to∼100 keV, the reactions

3H(p, γ )4He, 3H(d, n)4He, 3He(n, γ )4He, 3He(d, p)4He, 3He(3He, 2p)4He, (22)

will follow, despite being strongly suppressed by Coulomb repulsion. The repulsive Coulomb barrier is given by e2Z1Z2/r ,
which for Z2 = Z2 = 2 and r ∼ 2 fm, yields about 3 MeV. Hence, kinetic energies of∼100 keV lead to very small tunneling
probabilities through the Coulomb barriers. The reaction 3H(p, γ )4He has a very small cross section because it forms a 0+
state in the entrance channel and the photon transition is suppressed because the 4He ground state is also a 0+ state. At
40 keV the cross section is about 0.015 ± 0.004 µb [103], in contrast to the much larger cross section for 3He(n, p)3H, as
discussed above. That is why this reaction was left out in the diagram of Fig. 1, right. The reaction 3H(d, n)4He at energies
below 70 keV has beenmeasured in several experiments [104–109]. The cross section is dominated by a resonance at about
50 keV and at 20 keV the S-factor is 13.4 MeV b with a 2.4% error [105]. The 3He(n, γ )4He cross section is also very small at
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the energies relevant for BBN, of the order of a fewµb [110]. This reaction is also left out the BBN chain reaction Fig. 1, right.
The reaction 3He(d, p)4He has been measured in Refs. [59,111,64,112]. The cross sections from different measurements
at low energies is rather scattered, dominated by a resonance at about 0.2 MeV. The S-factor at 20 keV is about 7 MeV
b with a 20% uncertainty. The cross section for the reaction 3He(3He, 2p)4He is about 10−4 µb [113] and does not play a
relevant role in BBN. Recently, quark masses have been linked to binding energies and reaction rates using lattice Quantum
Chromo-Dynamics (QCD) and Effective Field Theories (EFT). The measured 4He abundance is thought to put a constraint of
∆mq/mq ∼ 1% on variations of the quark masses [114] (see also, Ref. [115]).

Once 3He and 4He are formed, only very tiny amounts of 7Li and 7Be will be produced through

4He(3H, γ )7Li, 4He(3He, γ )7Be. (23)

Data for the first reaction has been published in Refs. [116–120]. The accepted value for the S-factor is S(0) =
0.107 keV b [120], guided by a comparison with theoretical calculations. The second reaction has been measured in
experiments reported in Refs. [121–129]. The cross sections are very scattered at the measured energies, with an estimated
S-factor of 0.4 keV b at Ec.m. = 50 keV, based on best fits to the experimental data. The scattering of the data at the lowest
energies amount to a factor of 2. When 7Be becomes an atom, i.e., after electrons are captured, it will be able to capture a
bound electron and to decay into 7Li. That is when BBN should stop as the Universe expands, cools down, and it becomes
increasingly more difficult for the nuclear fusion reactions to proceed. Only extremely small amounts of elements heavier
than Li isotopes are formed compared to those produced in stars during the later evolution of the Universe.

If one increases the value of the baryon/photon ratio, η, then one gets a higher BBN temperature TBBN and also a larger
n/p ratio [16]. Thus, larger η yields larger 4He abundance. Deuterium and 3He act as ‘‘catalysts’’ because as soon as they are
produced, they are immediately consumed, reaching an equilibrium value that depends on the rate of their production and
consumption. Production startswith deuteron formation,which has noCoulombbarrier. Destruction proceeds via numerous
reactions, e.g., d+d, d+p, etc., which are suppressed by Coulomb repulsion. A larger TBBN enhances more destruction than
production and yields less d, and 3He. Numerical calculations show that 3He is produced at the 3He/H ∼10−5 level in low
mass stars and slowly will become larger over the history of the Universe [16]. For small η (low TBBN ) 7Li is created and
destroyed by

4He(3H, γ )7Li and 7Li(p, α)4He, (24)

respectively. The second reaction has a smaller Coulomb barrier and thus a lower TBBN will increase more the creation of 7Li
than its destruction yielding more 7Li. On the other hand, for large η, 7Li production changes because more 3He is produced,
and 4He(3He, γ )7Be becomes important, benefited from high temperatures because of the Coulomb barrier. Also, there are
very few neutrons around to deplete 7Be by (n, α) reactions. Therefore, 7Li produced via the decay of 7Be is also occurring
at high T and large η. The experimental situation for the first reaction has been unclear for a long time, due to conflicting
experimental results, as discussed above. The 7Li(p, α)4He reaction was extensively studied experimentally[130–138,112,
139–144] Recent data for the S-factor for this reaction yields S(E) = 0.055+ 0.21E − 0.31E2 MeV b [145,143].

The final reaction in the list of the most important ones for BBN is the 7Be(n, p)7Li reaction. It is strongly enhanced
because of a 2− resonance close to the threshold. The cross section at thermal energies is about σ = 3.8× 104 b [149]. This
is the largest thermal cross section known for reactions with light nuclei [149–156]. The resonance has very different proton
and neutron widths, due to a strong isospin mixing [150,151]. Despite its large cross section, experimental measurements
are very hard because 7Be is radioactive and the inverse reaction, which could be used together with detailed balance, can
lead to excited states in 7Be. A R-matrix analysis of the existing experimental data using four partial waves yields the nearly
constant, σE1/2

≃ 5.8 MeV1/2 b, at thermal energies [102].
There has been a large number of recent works [101,148,157,81,158,159,72,160–175] dealing with experimental

measurements, theoretical calculations, and the determination of uncertainties of the cross sections listed in Eqs. (21)–(24).
The sensitivity of the BBN abundances of light elements to the variations of the fusion cross sections around the valid ranges
set by the experimental data has been the focus of some of these works and one can find a detailed study in Ref. [176]. It is
thought that the present observation data on D/H together with new data on CMB allows one to constrain the number
of neutrino families to Nν < 3.2, closer to the three neutrino families determined from the LEP experiments data at
CERN. Almost all of the reactions listed in Eqs. (21)–(24) carry large uncertainties, at the level of 20% and more (see, e.g.,
Refs. [81,176]. Some reactions such as 3He(α, γ )7Be, t(α, γ )7Li and 7Li(p, α)4He have noticeably large experimental
uncertainties within the Gamowwindow for temperatures of relevance for BBN. As an examplewe show in Fig. 3 with ratios
obtained with fits to different sets of data which have been published. The error band is associated with the error bars in
one of the chosen data sets, the smallest of the two. One clearly sees that each reaction rate is influenced by the compilation
methods and by the data set under consideration in each compilation. For certain temperatures, differences between data
as large as 40% are seen. For the 3He(α, γ )7Be and t(α, γ )7Li the differences between different data sets can be as large as
a factor of three. There has an effort to compile, fit and correlate different sets of data, also including other information
than only reaction cross sections. Recent compilations based on such correlation methods have helped to narrow down the
uncertainty bands in the reaction rates for BBN [176].

In Table 2 we show predictions of BBN calculations using most recent values of reaction cross sections for the network in
Fig. 1 [146,176]. These are compared to observations. We note that: (a) The mass fraction for 4He, Yp = 0.2565 ± 0.006
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Fig. 3. Left: Ratios of the reaction rates for 3He(d, p)4He calculated using fits to indirect experimental data (Exp1) from Ref. [146] with fits to a global set
of experimental data from direct measurements (Exp2) (upper panel). The lower panel is a similar ratio using rates published in Ref. [147] (SKM). Right:
(upper panel) Same as upper panel of left figure, but for the reaction 7Li(p, α)4He. The ratio calculatedwith fits to indirect experimental data [146] andwith
the fits obtained by the NACRE compilation [148] is shown in the middle panel. The lower panel is the same but the ratio is done with the fit of Ref. [147].

Table 2
Predictions of BBN calculations [176] using most recent values of reaction cross sections for
the network in Fig. 1. These are compared to observations [146].

Yields Predictions [176] Observed

Yp 0.24709± 0.00025 0.256± 0.006(a)

D/H (10−5) 2.58± 0.13 2.82± 0.26(b)

3He/H (10−5) 10.039± 0.090 ≥11± 2(c)

7Li/H (10−10) 4.68± 0.67 1.58± 0.31(d)

(0.001 statistical and 0.005 systematic), is from Ref. [177]. (b) The mean deuterium abundance is the mean average
⟨(D/H)⟩ = (2.82± 0.26)× 10−5, which is equivalent to Ωmh2 (BBN) = 0.0213± 0.0013 [178]. (c) The 3He abundances are
adopted from Ref. [179] as a lower limit to the primordial abundance. (d) The lithium abundance arises from observations
of stars forming the ‘‘lithium plateau’’ [180]. D/H is in units of 10−5, 3He/H in 10−5 and Li/H in 10−10.

The lithium abundance has been inferred from the absorption spectra originated from old metal-poor stars in the halo
of our galaxy or from metal-poor stars in globular clusters. Such stars are ideal to probe the primordial abundance of
lithium [181,182]. It has been shown that dwarf and subgiant halo main sequence stars with Teff & 6000 K have a nearly
constant Li abundance [183]. In contrast, it was found that the Li abundance is much smaller in cooler stars. The mechanism
thought to explain this difference is that hotter stars have a thin convection zone so that Li does not reach the hot regions
that can destroy it. Hot halo stars with [Fe/H] ≡ log[(Fe/H)/(Fe/H)⊙] . −1.5 have a much lower amount of Li than
solar metallicity stars, and the Li content varies very little with the metallicity. This is known as the Spite plateau and is
thought to directly give the primordial value of the Li/H abundance if these hot stars have not destroyed any of their lithium
[183,184]. Stellar metallicity is usually defined in terms of the iron content of the star ‘‘[Fe/H]’’. Iron is the most abundant
heavy element, and is also easy to observe in the visible spectrum. The abundance ratio is sometimes defined as in terms of
that of iron as

[Fe/H] = log10


nFe

nH


star
− log10


nFe

nH


Sun

, (25)

where ni is the number density of species i. Population III, or primordial, stars have a metallicity of less than −6.0, which
is about a millionth of the abundance of iron in the Sun. Such stars are the major resources for information about elements
produced in BBN. According to BBN calculations as shown in Table 2, the 7Li/H abundance is predicted to be≃4.5× 10−10.
But observations in low metallicity halo stars reveal an abundance of 1.5 × 10−10. One could try to explain the difference
by modeling of stellar destruction of lithium [185]. But observational data suggest an overall trend that the lithium galactic
abundance has increased with time. Several possible explanations for this discrepancy have been proposed, which range
from stellar phenomena to non-standard BBN models. Among them, some authors have proposed modifications of the
nuclear reaction rates [169,186,165], new nuclear resonances [168,170,171], non-standard model particles in the BBN
[187,188]; axion cooling [189], hybrid axion dark matter model [189], or variations in the fundamental constants
[190,169,191], and many more [192–196,188]. Such investigations seem to show that the so-called lithium problem cannot
be due to nuclear reaction rate uncertainties [16,146]. But the excess in the lithium abundance might be due to an over-
production of 7Be isotope, that radiatively decays to 7Li after BBN ceases. 7Li is produced mainly by the electron capture
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process 7Be + e− → 7Li + νe. The destruction of 7Be via many channels could become a possible solution for the lithium
puzzle [197]. Other reactions such as 6Li(α, γ )10B, 7Li(α, γ )11B and 7Be(α, γ )11C could also lead to a possible depletion of
lithium and modify the lithium abundances appreciably due to their large experimental uncertainties [198–200]. The other
lithium isotope, 6Li, is predicted to be formed at the 6Li/H = 10−14 level in BBN. However, the primordial 6Li abundance has
been revised in recent spectroscopic observations of metal-poor halo stars [201], and there is now only an upper limit of the
same order as ≈10−14. Most elements are produced through stellar nucleosynthesis but 6Li is mainly destroyed by proton
induced reactions in stellar interiors at temperatures higher than 2 × 106 K. The radiative capture reaction 6Li(p, γ )7Be
constitutes one of the main consumers of 6Li and of formation of 7Be [198]. The major source of 6Li is thought to be the
spallation of galactic cosmic rays by the interstellar medium. For some time, the observed 6Li/7Li isotopic ratio is assumed
to be 6Li/7Li ∼5 × 10−2 [202], in contradiction with BBN predictions 6Li/7Li ∼ 10−5 [203]. This discrepancy cannot be
explained by means of spallation in galactic cosmic rays and is known as the second lithium problem. But the analysis of a
recent experiment of the LUNA collaboration has led to a new value of 6Li/7Li = (1.5 ± 0.3) × 10−5 [204], more in line
with BBN predictions. A recent theoretical analysis of the reaction 2H(α, γ )6Li reinforces the LUNA experimental findings,
which seems to suggest that the second lithium problem might be solved without invoking non-standard astrophysics
scenarios [205]. More work in this direction, both theoretical and experimental, is certainly desirable.

We conclude that detailed calculations of standard BBN (SBBN) use a nuclear reaction network keeping trace of the
temperature and density dependence of the Big Bang. The most important nuclear reactions in the network are displayed in
Fig. 1, right. Some of them will be discussed later for hydrogen burning of stars (e.g., the pp chain in the Sun), because they
are identical in both cases. However, BBN happens at higher temperatures than inside stars. The extension of the nuclear
network calculations to include reactions pertaining to the CNO cycle (discussed below) does not change in a noticeable way
the abundances of the elementswhich are considered primordial, i.e, up to 7Li. Aswe have seen, only p, d, 3He, 4He and 7Li are
observed with some confidence as primordial and the evolution of their abundances through the decreasing temperatures
in the Big Bang epoch are shown in Fig. 2, right. The primordial concentration of these isotopes constrains the baryon density
of the Universe through the Big Bang parameter η. The numerical BBN calculations are consistent with 3 neutrino families,
the neutron lifetime value of τn = 880 s, andwith the baryon-to-photon ratio of η = 6.1×10−10, in accordance with recent
astronomical observations [206]. The sensitivity of BBN to the neutron lifetime is of particular significance in elementary
particle physics. The neutron lifetime is used as a test of the Cabibbo–Kobayashi–Maskawa matrix [207], which should be
consistent with the current GA/GV -value measured in the asymmetry of super-allowed beta-decay experiments [208,209].

The agreement between BBN predictions and observation is impressive, but the dependence of BBN abundances, in
particular Yp (helium mass fraction), with the neutron lifetime is not negligible [176]. The lithium problem still remains,
what has led to several theoretical speculations outside the nuclear cross sections realm (see, e.g., Refs. [187,189,190,169]).
Possible cosmological extensions of the standard BBN have been proposed in Ref. [210], including photon cooling, radiative
decay of X particles, and the possible existence of a primordial magnetic field. Although it is apparent that a solution of
the lithium problem is not related to the uncertainties in the experimental data for nuclear fusion cross sections, this is not
entirely ruled out. The uncertainties in nuclear reaction data are still one of themain reasons for the precise determination of
some nuclear abundances compared to improved observational data on abundances and onNν , τn and η. Possible interaction
processes with dark-matter particles could influence the production of lithium isotopes prior to the onset of classical
nucleosynthesis patterns. Examples are, e.g., the influence of lightminutely-charged darkmatter particles, whichwould lead
to strong overproduction of 4He, if their masses are much smaller than the electron mass [211]. But a reasonable agreement
with observations is restored with larger masses and if a non-vanishing lepton asymmetry exists. As a collateral effect,
this mechanism worsens the lithium problem and one would need more enhancement of stellar depletion than typically
invoked. The additional degrees of freedom due to the presence of weakly-interacting dark matter particles are not capable
of draining away energy in the standard Big Bang scenario as to induce appreciable modification in BBN predictions. As
shown in Ref. [212], the possible parallel universes consisting of dark matter are very cold. Further consequences of the
matter-dark-matter asymmetry scenario as an outcome of X-particles (X = beyond standard model) are found in several
other references, e.g., [213].

2.5. Inhomogeneous Big Bang

It has been suggested that cosmic baryon number fluctuations may have occurred in the early Universe. Baryons would
pile-up in lumps with mass of about 10−21M⊙ and higher. Such fluctuations could have an impact on the production of
light elements during the BBN [214–216]. These inhomogeneities would occur due to a first-order QCD phase transition or
by means of electroweak baryogenesis. The motivation to introduce the inhomogeneous Big Bang model is that it could
be consistent with Ωm = 1. But at present, Ωm = 1 does not seem necessary for a variety of other reasons, such as the
cosmological baryon content, or the success of a Universe structure formation with cold dark matter, and so on [214–217].
We will discuss other implications of this idea to Big Bang nucleosynthesis also called inhomogeneous BBN models. The
standard Big Bang model assumes that the Universe has always been homogeneous and isotropic. However, QCD predicts
a phase transition from a quark–gluon plasma to hadronic matter around a temperature Tcrit = 170 MeV. As mentioned
previously, to overcome a few difficulties of BNN (e.g., the lithium problem), inhomogeneous Big Bang models have been
suggested. In these models the density in the early Universe is not homogeneous, but lumpy. In the beginning, a plasma of
hadronic and deconfined quarks and gluons (quark–gluon plasma, or QGP) exist in equilibrium. As the Universe expanded
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and its dropped below Tcrit , the QGP regions transform into hadronic bubbles. As it happens to the phase transition in water,
the energy released during this transition keeps the Universe at constant temperature Tcrit . At some moment the energy
released is insufficient to maintain the temperature constant due to the reduction induced by the Universe expansion. The
hadronic and QGP phases are no longer in chemical potential and pressure equilibrium and the two phases decouple.

In equilibrium conditions, the baryon number density ismuch larger in the QGP regions than in the hadronic regions. This
happens because it is statistically easier to create lowmass quarks than heavy baryons. Thus, during phase-coexistence QGP
regions have high baryon densities and hadronic regions have low baryon densities. As the Universe temperature decreases
and the phases decouple, the leftover of QGP regions freeze out to hadronic matter, but at higher densities. The high density
bubbles could be 1–10 m apart at Tcrit and when BBN started these distances expanded to 103–104 m at T ∼ 100 keV.
Because neutrons have no charge, they can diffuse in the plasma with a much larger mean-free path than protons. During
the BBN the neutron distribution was homogeneous in the whole Universe, while protons were mainly confined to the
high-density regions. The p/n ratio is then different in high and low density regions leading to a different BBN chain for each
region. Inhomogeneous BBNmodels are very dependent on neutron capture on light nuclei [218]. These reactions also occur
during the s-process nucleosynthesis in red giant stars. The neutron capture cross sections need to be known over a broad
energy range. The high primordial lithium abundance could be an optimal fingerprint for such inhomogeneous scenario,
as well as a high abundance of beryllium and boron isotopes. Inhomogeneous BBN reactions involve reaction chains such
as [219] 1H(n, γ )2H(n, γ )3H(d, n)4He(t, γ )7Li(n, γ )8Li, 8Li(α, n)11B (n, γ )12B(β−)12C(n, γ )13C, and [220,221] 7Li(n, γ )8Li(n,
γ )9Li(β−)9Be, 7Li(3He, p)9Be, 7Li(t, n)9Be(t, n)11B, etc., yielding very abundant 9Be, 10,11B and heavy nuclei. But since the
abundance of heavier than lithium and beryllium isotopes is very small, and since they are formed in stars, it is difficult to
trace their abundance back to test inhomogeneous BBN models. The production of heavy elements in inhomogeneous Big
Bang scenarios has been nicely reviewed in Ref. [222].

2.6. BBN constraints on cosmological models

The BBN is of broad interest for its significance in constraining cosmological models of the cosmic expansion of the early
Universe. Cosmological observations [223–225] of type Ia supernovae at intermediate redshift, together with additional
observational restrictions at low and intermediate redshift, as well as the CMB spectrum of temperature anisotropies and
polarization [8,206] all suggest that the Universe is accelerating due to the influence of a dominant dark energy ΩΛ ≈ 0.7
with a negative pressure [226]. The simplest interpretation for this dark energy is the existence of a cosmological constant
in Einstein’s field equations. The resulting the equation of state from this assumption is ω = P/ρ = −1.

Another possibility arises from the so-called quintessence models where the dark energy is the outcome of a slowly
evolving scalar field with an effective potential. The equation of state is negative−1 ≤ ω = P/ρ ≤ 0, but does not need o
be constant [227–229]. The initial conditions probably appear near the inflation era. The energy density of the quintessence
field can be constrained by the BBN epoch at 0.01 ≤ T ≤ 1 MeV. When the BBN epoch starts, many of the possibilities
for the initial conditions will have already reached the tracker solution. If the energy density is close to the background
energy density, BBN will be changed by the enhanced expansion rate due to the increased total energy density. However,
it is conceivable that the tracker solution was not yet achieved during the BBN. In this case the strongest constraints would
arise by the time the weak reaction rates freeze out, whereas the later BBN epoch might be unaffected. In the third case, the
tracker solution may be achieved after the BBN epoch. The ultimate tracker curve might have a large quintessence energy
density at a later time which could be constrained by the CMB. Quintessence models are thus severely constrained by the
BBN and CMB [230].

There is recent focus in particle cosmology to understand the Einstein gravity in higher dimensional brane world
cosmology which is motivated by the superstring theories or M-theory. In this scenario our universe is presumed to be a
sub-manifold embedded in a higher-dimensional space time. Physical matter fields are confined to this sub-manifold, while
gravity can reside in the higher-dimensional space time. The scale of gravity is lowered to the weak scale by introducing
large extra dimensions. This eliminates the hierarchy between the weak scale and the Planck scale, but it also generates
a new hierarchy problem between the weak scale and the size of the extra dimensions. In Ref. [231] one has solved this
new hierarchy problem by introducing non-compact extra dimensions such that our universe is described as a three-
brane embedded in a five-dimensional anti-de Sitter bulk space. The BBN makes a strongest constraints on the new term
which appears as dark radiation in Friedmann equation. It was shown that, although the observational constraints from the
BBN allow only a small contribution when this dark radiation term is positive, a much wider range of negative values is
allowed [232].

3. Stellar nucleosynthesis

A star is formed when the primordial clustering material reaches a mass of about 0.08M⊙. Protostars with masses below
this value are known as brown dwarfs, with insufficient temperatures to ignite hydrogen. But some brown dwarfs, heavier
than about 13 times Jupiter’s mass can fuse deuterium during a short period. Heavier stars have higher core temperatures
making it easier for particles, starting with hydrogen, to tunnel their mutual Coulomb barrier and form heavier elements.
Astrophysicists call stars with the initial stage of hydrogen burning by main sequence stars. Stellar masses and nuclear
reactions are related by:
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Fig. 4. Left: The Sun fusion scheme, or p–p chain, is composed of three branches (ppI, ppII and ppIII) reaction chains. The percentage for each branch is
shown explicitly [209]. Right: Flux of neutrinos emitted by the Sun, in cm−2 s−2 according to Bahcall’s standard solar model [56].

(a) 0.1–0.5M⊙. In such stars there will be hydrogen but no helium burning.
(b) 0.5–8M⊙. For these stars both hydrogen and helium burning occur.
(c) <1.4M⊙. Such stars end up as a white dwarf (WD). AWD is formed from the core of stars with masses .8M⊙ after their

envelope is ejected.
(d) 8–11M⊙. They can house hydrogen, helium and carbon burning.
(e) >11M⊙. Nuclear burning in these stars encompass all stages of thermonuclear fusion.

The basic equations of stellar structure, in the absence of convection, assuming spherical symmetry, are mass conservation
and hydrostatic support,

dm(r)
dr
= 4πr2ρ(r),

dP(r)
dr
= −

Gm(r)
r2

ρ(r) (26)

energy generation and (d) radiation transport,

dL(r)
dr
= 4π2ρ(r)[ϵ(r)− ϵν(r)],

dT
dr
= −

3
4ac

κ̄ρ

T 3

L(r)
4πr2

. (27)

In these equations,m(r) is the mass within a sphere of radius r from the center of the star, ρ(r) is the local mass density at
r , P the pressure, L the luminosity radiated away from distance r , T the local temperature, ϵ(ρ, T ) the local energy density
produced by nuclear reactions and ϵν(ρ, T ) the local energy density carried away by neutrino emission. The mean opacity
κ̄(ρ, T ) which takes care of the radiation energy absorbed by atomic processes, such as ionization, Compton scattering, etc.
a is the Stefan–Boltzmann constant. These equations are complemented by the Equation of State (EoS), i.e., P ≡ P(ρ, ϵ, T )
which is a sum radiation pressure, ion pressure, and electron pressure. For the Sun the EoS is well described by the ideal
gas law of a mixture of hydrogen and helium ions. The energy densities ϵ and ϵν are obtained by solving the reaction
networks as in Eq. (17), which is also responsible for the changes in the local elemental composition. If convection and
entropy changes occur, the equations above need to be modified by including local changes due to convection mixing and
the time-dependence of local entropy [233]. In a convective region we must solve the equations above with additional
equations arising from convection, such as

P
T
dT
dP
=

γ − 1
γ

, (28)

where γ = cp/cv the ratio of the specific heat under constant pressure and the specific heat under constant volume [233].
Once these coupled equations have been solved, one can calculate Lrad and the luminosity due to convective transport

Lconv = L − Lrad. The equations appropriate for a convective region must be switched on when the temperature gradient
becomes equal to the adiabatic value, and switched off when all energy is transported by radiation. This method of solution
may break down close to the surface of a star.

3.1. The pp chain

The Sun is powered by the pp-chain, i.e., a chain of reactions leading to the formation of helium nuclei, as shown in Fig. 4.
There are in fact three such chains, the ppI chain,

p(e−p, νe)
2H, 2H(p, γ )3He, and, 3He(3He, 2p)4He, (29)

the ppII chain

p(e−p, νe)
2H, 2H(p, γ )3He, 4He(3He, γ )7Be, 7Be(e−, νe)

7Be and 7Li(p, 4He)4He, (30)
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and the ppIII chain

p(e−p, νe)
2H, 2H(p, γ )3He, 4He(3He, γ )7Be, 7Be(p, γ )8Be and 8B(, e+νe)

8Be, (31)

with 8Be promptly decaying into two α particles. The net product of these chain reactions is the consumption of 4 protons
and the gain of 28 MeV by the formation of a helium nucleus. Energy is released away in the form of photons and neutrinos.
The energy production in the Sun at T6 = 15 is approximately given by ϵ ∼ ϵppX2T 4

6 , where X is the hydrogen mass fraction
and ϵpp = 10−12 J m3 kg−2 s−1.

3.2. The pp reaction

The Sun has been burning nuclear fuel for the last 4.5 × 109 years. The primordial proton cloud got compressed and
heated by gravitational contraction with the temperatures reaching values high enough to trigger the pp fusion reaction
p+ p −→ d+ e+ + νe. This reaction is non-resonant and occurs in two steps. First the protons tunnel the Coulomb barrier
withheight Ec = 0.55MeVand in a second step oneof the protonsβ-decays bypositron andneutrino emission. TheCoulomb
barrier height is relatively small and the Sun would burn its fuel quite quickly if this was the only impediment for the pp
reaction. But, because it is aβ-decay process, the final stage occurswith a very lowprobability to yield a proton and a neutron
system captured within a deuteron. Bethe and Critchfield [234] used Fermi’s theory of β-decay, based on point interactions,
to obtain the secondpart. The cross section for this reaction for protonswith energy below1MeV is very small, about 10−23 b.
The effective energy for this reaction in the Sun is in fact much smaller than 1 MeV, i.e., about 20 keV. The mean lifetime
of protons in the Sun due to the p(p, d) reaction is about 1010 y. Thus, the energy radiated by the Sun is nearly constant in
time, and not an explosive process. Using Fermi’s Golden rule for this reaction, we get dσ = 2πρ(E)

f Hβ

 i2 /h̄vi, where
ρ(E) is the density of final states in the interval dE and vi is the initial relative velocity. Ψi is the initial wave function of the
two protons and the final state wave function Ψf is a product of the deuteron, the positron and the neutrino wavefunctions,
Ψf = ΨdΨeΨν . A plane wave can be used for the electron if its energy is large compared to ZR∞, where the Rydberg constant
is R∞ = 2π2me4/ch3. The energy release in the reaction is 0.42 MeV and therefore the kinetic energy of the electron is
Ke ≤ 0.42 MeV. The mean energy of the neutrinos is ⟨Eν⟩ = 0.26 MeV, which is too low and both plane wave exponentials
for the electron and the neutrinowavefunctions can be approximated by the unity. Theweak decaymatrix element becomes

f
Hβ

 i = g

mf


j

Ψ ∗d t±σj
Ψi
 2 , (32)

where


j is a sumover the Paulimatrices,σx,σy andσz ,


mf
is a sumover final spins and g is theweak coupling constant. For

the deuteron, Jπf = 1+, dominated by lf = 0 in a triplet state Sf = 1. The maximum (super-allowed) transition probability
has ∆l = 0 and the initial jp+ p wavefunction must have li = 0. In order for their wavefunction be antisymmetric in space
and spin, one must have Si = 0. Thus, the transition is (Si = 0, li = 0) → (Sf = 1, lf = 0), i.e., a pure Gamow–Teller
transition. The full calculation yields

σ =
m5c4

2π3 h̄7 vi
f (E)g2M

2
spaceM

2
spin

2
, (33)

where M2
spin = (2J + 1)/(2J1 + 1)(2J2 + 1) = 3, Mspace =


∞

0 χf (r)χi(r)r2dr , and the dimensionless Fermi integral
f (E) accounts for Coulomb distortion of the electron wavefunction. At large energies, f (E) ∝ E5. The deuteron radial
wavefunction χf (r) and the initial two-proton wavefunction at the low stellar energies involve only the s-wave parts [235].
A numerical integration of the radial integral yields a cross section of about σ = 10−47 cm2 at Ep = 1 MeV, that cannot be
measured experimentally.

Several theoretical works were published after Ref. [234] and computed its S-factor for this reaction [236–241]. The
constant g in Eq. (33) becomes a combination of the Fermi and axial-vector weak coupling constants GV and GA [237].
The most recent value for the super-allowed 0+ → 0+ is (ft)0+→0+ = 3071.4 ± 0.8 s [242], and for GA/GV one can use
the Particle Data Group (PDG) value GA/GV = 1.2695 ± 0.0029 [243]. Radiative corrections are also important [237] for
an accurate calculation of this reaction rate. The largest uncertainty come from the calculation of the matrix element in
Eq. (32). Standard calculations in Refs. [238,244] were followed by those in Ref. [239] based on potential models. More
recently, EFT calculations up to next-to-next-to-next-to-leading order (N3LO) expansion terms have been performed (see,
e.g., Refs. [245,246,240,247,248,241]). Based on the latest theoretical developments the S-factor for this reaction has been
calculated with an accuracy of at least 3% and there are plans to reduce it to an accuracy of the order of 1%, based on
a combination of theory and experimental efforts [209]. A conservative value for the S-factor for this reaction is about
S(0) = (4.01 ± 0.04) × 10−22 keV b and dS(0)/dE = S(0)(11.2 ± 0.1) MeV−1 [209]. In the core of the Sun, T6 = 15,
and this yields ⟨σv⟩pp = 1.2 × 10−43 cm3 s−1 [209]. The density in the Sun’s core is about ρ = 100 gm cm−3 and if one
assumes an equal mixture of hydrogen and helium, then XH = XHe = 0.5, and the average life of a hydrogen nucleus to be
converted to deuterium is τH(H) = ⟨σv⟩pp /NH ∼ 1010 y, comparable to the age of old stars.
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3.3. 3He formation and destruction

Once deuterium is produced in the Sun, it is promptly consumed by a nonresonant direct capture reaction to the ground
state of 3He, d + p → 3He + γ , with a Q -value of 5.5 MeV and the S-factor at zero energy is S(0) = 0.214


+0.017
−0.016


eV b

according to Ref. [209] based on a combination of fits to experimental data [75,249,79,80] and theory [84]. Notice that the
deuteron induced reactions

d(d, p)t, d(d, n)3He, d(3He, p)4He, and d(3He, γ )5Li (34)
have a larger cross section than that for d(p, γ )3He. But because of the much larger number of protons in stars, the process
of Eq. d(p, γ )3He dominates. The rate of energy production in the pp-chain is still determined by p + p −→ d + e+ + νe
which is much slower than d(p, γ )3He.

The equation for the evolution of deuterium (D) abundance is given by its production through the pp-reaction and its
destruction though the pd-reaction, i.e.,

dYD

dt
=

Y2
H

2
ρNA ⟨σv⟩pp − YHYDρNA ⟨σv⟩pd . (35)

In thermodynamical equilibrium, this yields

YD

YH
=
⟨σv⟩pp

2 ⟨σv⟩pd
. (36)

Using the values of the S-factors mentioned above yields a ratio of 5.6 × 10−18 at T6 = 5 and 1.7 × 10−18 at T6 = 40.
However, the observed (YD/YH) ratio in the Cosmos is∼10−5, which is much larger due to BBN, before stars were formed.
In stellar interiors deuterium is destroyed by means of the reaction d(p, γ )3He. The equilibrium condition in Eq. (36) is
reached in about τd = 2 s, which is the lifetime for the consumption of deuterons. That is, deuterons are burned almost
instantaneously in stellar environments.

After 3He is formed, it can be consumed via the non-resonant capture reaction 3He+3 He → p + p + 4He, with a
Q = 12.9MeV, and an S-factor S(0) = 5.11′± 0.22MeV b. The laboratory data at low energies is contaminated by electron
screening effects and the data from different groups are quite spread out at E ≤ 350 keV [250–253]. The quoted S-factor is
based on phenomenologically guided fit [209]. Another non-resonant capture reaction consuming 3He is 3He+D→ 4He+p,
which has an S-factor, S(0) ∼ 6000 keV b [250]. Both reactions have comparable S(0) factors, but because the deuterium
concentration is very small, the first reaction dominates. 4He synthesized in the BBN can react with 3He and lead to the ppII
and ppIII parts of the chain in Fig. 4. The reactions leading to the formation of 7Be and 8B, via 3He(α, γ )7Be and 7Be(p, γ )8B,
are responsible for the production of high energy neutrinos in the Sun [56]. The first reaction occurs 14% compared to the
one in Eq. 3.3. In this route, 7Be can be consumed in two alternate ways to complete the fusion process of four protons
transforming into a helium nucleus, 4H→4 He, in the ppII and ppIII chains.

3.4. Electron capture on 7Be

After 7Be is formed, the first step of the ppII chain is the capture of an atomic electron bymeans of 7Be+e− → 7Li+νe. The
capture can leave 7Li in its ground state (90%) or in its first excited state (10%) at Ex = 0.48 keV, and Jπ = 1

2
−
. The Q -value

for the capture to the ground state is 380 keV and to the excited state is 0.86 keV, carried away bymonoenergetic neutrinos,
with mean life for the capture given by τ = 77 d. The initial and final wavefunctions of the nuclei vanish rapidly outside
the nuclear radius and the electron wavefunction within the nucleus can be approximated by its value at the origin. The
neutrino wavefunction can taken as a plane wave normalized to the nuclear volume V, so that Hif = Ψe(0)g


Ψ ∗7LiΨ7Be

d3r .
The capture rate is then given by

λEC =
1

τEC
=


g2M2

if

πc3 h̄4


E2

ν |Ψe(0)|2, (37)

where Mif =


Ψ ∗7LiΨ7Be
d3r is the nuclear matrix element for the transition.

The electrons from the atomic K-shell give the dominant contribution to the capture. In the core of the Sun, T6 = 15,
and the 7Be are mostly ionized. But they are immersed in a sea of free electrons and electron capture from continuum states
can occur. Since the factors in the calculations with continuum wavefunctions are approximately the same as for atomic
electron capture, except for the corresponding electron densities, the 7Be lifetime in the Sun, τs, and the terrestrial lifetime,
τt , are related by τs/τt ∼ 2|Ψt(0)|2/|Ψs(0)|2, where |Ψs(0)|2 can be identified as the density of free electrons in the Sun,
ne = ρ/mH . The factor of 2 accounts for the two spin states in calculation of λt , while λs is calculated by averaging over these
two orientations. The electron wavefunctions are distorted due to Coulomb interaction with hydrogen (of mass fraction XH )
and heavier nuclei in the plasma, and one has instead

τs =
2|Ψt(0)|2τt

(ρ/MH)[(1+ XH)/2]2πZα(mec2/3kT )1/2
, (38)
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where we used |Ψe(0)|2 ∼ (Z/a0)3/π . This equation leads to the lifetime 7Be in the Sun [56,254],

τs(
7Be) = 4.72× 108 T 1/2

6

ρ(1+ XH)
s. (39)

The thermally averaged Coulomb corrections on the electron wavefunction yields the temperature dependence in this
formula. One gets the continuum capture rate of τs(

7Be) = 140 d whereas on Earth τt = 77 d [255]. Considering also
partially ionized 7Be atoms under solar conditions, one gets another 21% increase in the decay rate, leading to a lifetime of
7Be in the Sun as τ⊙(7Be) = 120 d. This result seems to be robust and recent claims that it might be influenced by additional
physics have been found to be unsubstantiated [256].

3.5. 8B, solar neutrinos, and neutrino masses

7Be can also be consumed 0.12% of the time by means of 7Be(p, α)8B, completing the ppIII part of the pp-chain in the
Sun. This reaction occurs at energies much smaller than the 640 keV resonance in 8B. Theweighted average for its S-factor is
S(0) = 21.0 eV b [209] but the experimental situation is not completely satisfactory. This has led to the need of support from
theory, with the development of better microscopic reaction theories, sometimes denoted as ‘‘ab-initio’’ calculations [257].
Within a lifetime of τ = 1.1 s, 8B(Jπ = 2+) decays by means of 8B→ 8Be + e+ + νe, mainly to the broad (Γ = 1.6 MeV)
resonance in 8Be at Er = 2.94MeV (Jπ = 2+), which promptly decays into twoα-particles. The neutrinos acquire an average
energy in the decay of Ēν(

8B) = 7.3 MeV.
The solar neutrino problem was a long-standing (from mid 1960s to 2002) problem first associated with a pioneering

experiment on neutrino capture on 37Cl carried out for many years in the Homestake gold mine in the U.S. The experiment
was proposed by Bahcall and Davis to measure the neutrino fluxes based on a Standard Solar Model (SSM) developed by
Bahcall [258] based on the solution of Eqs. (26)–(27) and the network for the pp-chain and CNO chain reactions. Davis
experiment was particularly sensitive to the high energy neutrinos coming from 8B decay. They observed a neutrino flux
that was substantially smaller than predicted [56,244,259,260]. The observed event rate since 1970 was 2.56± 0.23 SNU (1
SNU = 10−36 interactions per target atom per second). Bahcall’s Standard Solar Model (SSM) prediction was 8.1 SNU. The
puzzle led to the development of newexperimentswithmore sensitiveness to the lower energy neutrinos. The predictions of
the SSM are shown in Fig. 4. The puzzle was solved by the discovery of neutrino oscillations, i.e. oscillations between different
neutrinos types [259,261]. Some of the electron–neutrinos reaching the chlorine detector becomemuon-neutrinos on their
way from the center of the Sun to the Earth explaining the smaller number of electron–neutrinos observed on the Earth. The
fluxes of 8B and 7Be neutrinos are given by [259]

Φ(B) ∝ S17
S34
√
S33

T 20
⊙

, Φ(Be) ∝
S34
√
S33

T 10
⊙

, (40)

where Sij are the astrophysical factors for reactions between nuclei i and j. The fluxes are strongly dependent on T⊙ which
means that 7Be and 8B neutrinos are good thermometers for the Sun’s core temperature.

If neutrinos have masses, they can change from one type to another [262,263]. For neutrinos, their mass and weak
interaction eigenstates span the same two-neutrino space but are not the same: their mass eigenstates |ν1⟩ and |ν2⟩,
with masses m1 and m2, are related to the weak interaction eigenstates through |νe⟩ = cos θv|ν1⟩ + sin θv|ν2⟩ and
|νµ⟩ = − sin θv|ν1⟩ + cos θv|ν2⟩, where θv is the vacuum mixing angle [264]. Therefore, a state produced as |ν⟩ = |νe⟩

or |ν⟩ = |νµ⟩ does not remain a pure flavor eigenstate as it propagates. The different mass eigenstates will accumulate
different phases as they evolve in time. This is known as vacuum oscillations. The probability that a neutrino state remains
as a |νe⟩ at time t , after a distance x from the source is found to be

Pνe(t) = |⟨νe|ν(t)⟩|2 = 1− sin2 2θv sin2


x
Lν


, (41)

where δm2
= m2

2 −m2
1, and Lν is the oscillation length,

Lν =
4π h̄cE
δm2c4

. (42)

If this length is shorter or comparable to one astronomical unit, one expects a decrease in the solar νe flux on Earth. Neutrino
oscillations change appreciably when they propagate in dense environments because of changes in the neutrino effective
mass. This greatly enhances oscillation probabilities as a νe can be transformed into a νµ as it passes by a critical density in
the Sun [265,266]. The resulting adiabatic electron neutrino survival probability at a position x, is [267]

Padiab
νe
=

1
2
+

1
2
cos 2θv cos 2θi (43)

where θi = θ(xi) is the mixing angle at the point where the neutrino is created, given by

sin 2θ(x) =
sin 2θv

Θ2(x)+ sin2 2θv

, cos 2θ(x) =
−Θ(x)

Θ2(x)+ sin2 2θv

, (44)
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where Θ(x) = 2
√
2GFρ(x)E/δm2

− cos 2θv . One sees that θ(x) varies from θv to π/2 as the density ρ(x) varies from 0 to
∞. If the density is not constant, the mass eigenstates evolve in time as the density changes. This phenomenon is known
as the Mikheyev–Smirnov–Wolfenstein (MSW) effect [265,266]. It provides an explanation for the observed reduction in the
solar neutrino flux. The 2002 Nobel Prize in Physics was given to Ray Davis and Masatoshi Koshiba for their experimental
work on the ‘‘missing’’ solar neutrinos.

Cosmic rays collide with nuclei at the top of the atmosphere and produce secondary showers of hadrons, leptons, and
neutrinos, such as the reaction p+p→ p+n+π+. The pion decays asπ+ → e++νe orµ++νµ. Themuon then decays by
µ+ → e++νe+ν̄µ and the net result is a neutrino flavor ratio (νµ+ν̄µ)/νe = 2. But experimentally one finds that this ratio is
closer to one. This puzzle is also explained in terms of neutrino oscillations. The path-length is limited by the Earth’s diameter
and for a neutrino energy of the order of 1 GeV one finds that atmospheric neutrinos are sensitive to δm2 & 10−4 eV2. The
Super-Kamiokande collaboration obtained the first strong evidence for neutrino oscillations with observations that muon-
neutrinos produced in the upper atmosphere consistently changed into tau-neutrinos. It was observed that fewer neutrinos
were detected coming through the Earth than coming directly from above the detector. The Sudbury Neutrino Observatory
(SNO) obtained another evidence for solar neutrino oscillations by finding that only about 35% of the arriving solar neutrinos
were νes, with the rest being νµs and µτ s. The observed number of neutrinos agrees quite well with the SSM model for the
Sun. The 2015 Nobel Prize for Physics was awarded to Takaaki Kajita from the Super-K Observatory and Arthur McDonald
from Sudbury Neutrino Observatory for experiments on neutrino oscillations. There has been many estimates of the lower
limit for neutrinomasses fromsuch type of experiments and the various neutrinos flavors have been estimated to have a total
mass of 0.06 eV. Recently, Planck data have shown a small discrepancy between CMB and lensing observations. The neutrino
masses are thought to suppress the growth of dense structures which are responsible for the formation of galaxy clusters.
In addition to 3 neutrinos one also allows for the sterile neutrino, which does not take part in weak interactions but can
appear through flavor oscillations in the sameway as the other neutrinos. The neutrinomixing should include all neutrinos.
For a 3-neutrino mixing |νl⟩ =


j Ulj

νj

, where the 3× 3 matrix Ulj is known as the Pontecorvo–Maki–Nakagawa–Sakata

(PMNS) or Maki–Nakagawa–Sakata (MNS) mixing matrix. Adding the sterile neutrino to the mixing obviously extends it to
a 4× 4 matrix.

Neutrino astrophysics is a thriving research field, with several nations supporting experiments which connect neutrinos
to deep questions of scientific interest. Examples are the abovementioned Sudbury Neutrino Observatory, which completed
data taking in 2006, and had vital contributions to the neutrino oscillation discovery [268] as well as the Super-Kamiokande
observatorywhichwas designed for proton decay searches, and the detection of solar, atmospheric and supernova neutrinos.
A follow-up observatory, SNO+ aims to measure neutrinoless double-beta decay to study lepton number violation and
to measure the neutrino mass [269]. The Super-Kamiokande detector is still active and under new improvements [270].
The Karlsruhe Tritium Neutrino Experiment (KATRIN) is another experiment aimed at measuring the electron neutrino
mass with a precision of 0.2 eV [271]. The ANTARES detector [272] is a directional neutrino telescope aimed to observe
neutrinos from the cosmos in the southern hemisphere, whereas IceCube [273] detects neutrinos from the North. The list
of neutrino detectors is impressive and it is hard to make justice to their contribution to physics in this limited space. A
list and description of the several neutrino detectors can be found online [274]. One of the greatest scientific discoveries of
the 21st century was the recent detection of gravitational waves by LIGO [275], as predicted by Einstein’s theory of General
Relativity about 100 years ago. Physicists from IceCube and ANTARES have already checking whether one had registered an
neutrinos in time coincidence with the LIGO observations. These and other possibilities will open an new era of astronomy
with gravitational waves and neutrinos, two of the weakest interacting fields in nature, becoming valuable tools together
with photons and cosmic rays to probe the structure and history of our Universe.

4. Nucleosynthesis in massive stars

The pp-chain is very effective to generate energy in low temperature stars such as our Sun. But as temperatures increase
for more massive stars, the CNO cycle becomes more effective, provided the CNO-nuclei are already present (from earlier
stellar generations). This is shown in Fig. 5 (left)where the energy output of the CNO cycle is compared to that of the pp-chain
as a function of the temperature. The CNO energy output, assuming the CNO solar abundance, dominates for 20 ≤ T6 ≤ 130,
corresponding to Gamow peak energies of 30–110 keV.

The CNO-cycle and rp-processes presented in this section are fundamental for the description of cataclysmic events,
discussed in Section 8. We will introduce them in this section first as we make reference to some of the reactions involved
in the ensuing text.

4.1. The CNO cycle

Population II and population III are early generation of stars which generated their energy mainly through the pp-chain.
One still observes such stars in globular clusters and the center of a galaxy. They usually have masses smaller than the Sun,
are older, cooler and have fewer heavy elements, i.e. low metallicity. In contrast, population I stars are later generation
stars which formed from the debris of heavier stars containing heavy elements. Later generation stars, heavier than the Sun,
achieve higher central temperatures due to higher gravity. In such a scenario, hydrogen is more efficient through reaction
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Fig. 5. Left: Temperature dependence of the energy production by the pp-chain and CNO cycles, assuming a CNO composition as that of the Sun. The
passage by the Sun’s core temperature is marked by ‘‘star’’ symbols. Right: The (‘‘cold’’) CNO cycle is composed of cycles I and II. Cycle I is also known as
the CN cycle [276] and produces only about 1% of the solar energy, but leads to a significant flux of neutrinos from the Sun. Cycle II is a breakout off the CN
cycle and is also known as the ON cycle. Cycle I operates 1000 times for each chain of reactions completing cycle II.

chains involving C, N, and O. Such nuclei have a non-negligible abundance of 1% and slightly more compared to Li, Be, B
which as we have seen before, have a very low abundance.

The CN cycle, shown in Fig. 5 (right) as cycle I, is the chain of reactions

12C(p, γ )13N(e+νe)
13C(p, γ )14N(p, γ )15O(e+ν)15N(p, α)12C, (45)

catalyzing an α-particle from four protons, 4p → 4He + 2e+ + 2νe, and releasing Q = 26.7 MeV. The reactions in this
cycle are relatively well-known experimentally. The 12C(p, γ )13N reaction has been studied over a wide energy range down
to 70 keV [277–287]. The S-factor at 25 keV is found to be (1.75 ± 0.22) keV b [287]. The reaction 13C(p, γ )14N has been
measured over a wide energy interval down to Ec.m. ≃ 70 keV [287]. For Ec.m. below 200 keV, it is dominated by the tail
of the s-wave capture to a broad 1/2+ resonance at E = 420 keV. The S(E) factor at the stellar energies of about 25 keV is
found to be S = (1.75 ± 0.22) keV b [287]. The 13C(p, γ )14N reaction is also related to the s-process, to be discussed later,
because it depletes the seed nuclei for the reaction 13C(α, n)16Owhich is a neutron source for reactions in AGB starswith solar
metallicity. Measurements for the later reaction have reached down to 100 keV, with R-matrix fits yielding S(0) ≃ 5−8 keV
b [288–290]. The slowest process in the CNO cycle is the 14N(p, γ )15O reaction [291–294,148,295–302] with a cross section
of 0.24 picobarns at 70 keV [302]. This reaction needs to be measured with a better accuracy to reduce the uncertainty in
the CNO neutrino production rate. The 15N(p, γ )16O reaction leads to a loss of catalytic nuclei from the CN cycle. But the
catalytic material returns to the CN cycle by means of the CNO cycle II,

15N(p, γ )16O(p, γ )17F(e+νe)
17O(p, α)14N. (46)

Two low energy neutrinos are emitted from the beta decays of 13N (t1/2 = 10 min) and 15O (t1/2 = 122 s). The slowest
reaction is 14N(p, γ )15O in the CN cycle because it involves Z = 7 nuclei and therefore its Coulomb barrier is largest, and
also because it is governed by electromagnetic forces, whereas the other reactions involving N isotope, 15N(p, α)12C, is
governed by strong forces and as a consequence is faster. Thus the rate of energy production in the CN cycle is dictated by
the 14N(p, γ )15O reaction. Sometimes the CNO cycle II is called theON cycle and, togetherwith the CN cycle, it constitutes the
CNO cycle. The ON cycle is much slower than the CN cycle, by a factor of 1000, because the S-factor for 15N(p, α)12C is about
a 1000 times larger than that for 15N(p, γ )16O [303]. The energy released in the CNO cycle at T6 = 20 is approximately
given by ϵ ∼ ϵCNOXXCNOT 19.9

6 , where XCNO the mass fraction of oxygen/carbon/nitrogen (an average of the three) and
ϵCNO = 8.24 × 10−31 J m3 kg−2 s−1. Notice the much larger temperature dependence compared to the pp chain (ϵ ∼ T 4

6 .
That is why lowermass stars, with cooler core temperatures, generatemost of their energy with pp chains, whereas inmore
massive stars with higher core temperatures the CNO cycle is more important.

4.2. Hot CNO and rp-process

The CNO cycle works at T6 ≥ 20 and is found in stars with the solar composition, and slightly more massive than the
Sun, and burning hydrogen slowly. But CNO cycles also work at much larger temperatures (T ∼ 108

−109 K) in other stellar
sites, such as (a) the accreting surface of a neutron star and (b) explosive novae, i.e., burning on the surface of a WD, or (c) in
the exterior layers of the supernova shock heated material. Such stellar temperatures can induce the hot CNO cycles which
operate on a timescale of only few seconds, as shown in Fig. 6 (left). In the hot CNO hydrogen burning is constrained by the
β-decay lifetimes of the participating proton-rich nuclei, e.g., 14O and 15O. At T ≥ 5 × 108 K, material from the CNO cycle
can leak and lead to the formation of heavier nuclei by means of the rapid proton capture, or rp-process.

The rp-process follows a path in the nuclear chart analogous to the r-process due to neutron capture. It converts CNO
nuclei into proton-rich isotopes near the the proton drip line. Following a succession of fast proton captures, a mass number
A is reached when another proton capture must wait until the occurrence of β+-decay. The rp-process rate is hindered as
the charge and mass numbers increase due to the increasing Coulomb barrier. Therefore, the rp-process does not really
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Fig. 6. (Left): The hot CNO cycle occurs at high temperatures because of the additional cycles leaking from the CNO cycle through the 17O(p, γ )18F reaction.
(Right): Schematic view of the r-process (red squares) in the nuclear chart. The process occurs close to the neutron drip line. The waiting point nuclei at
the neutron magic numbers are responsible for peaks in the abundance of isotopes as a function of the nuclear mass. (For interpretation of the references
to color in this figure legend, the reader is referred to the web version of this article.)

reach the proton drip line, being more effective by running near the beta-stability valley where the β+-decay rates are of
similar magnitude as the proton capture rates. Fig. 6 (right) shows schematically the paths for occurrence of the rp- and the
r-processes in the nuclear chart.

4.3. Triple-α capture

When the core temperature and density in a star reach T6 = 100–200 and ρc = 102–105 gm cm−3, it starts burning
4He steadily. The most probable path to heavier elements is the fusion of three α particles into 12C [304–306]. The reaction
occurs in two steps: (a) first by the fusion of two α particles into 8Be, which is unstable to decay into two α particles, (b)
followed by the fusion of 8Be with another α-particle into 12C as displayed in Fig. 7, left. 8Be has a very short lifetime of
10−16 s (with a decay width, Γ = 6.8 eV), nonetheless long compared to 10−19 s, the time that two α-particles stay close
to each other. The Q -value of the reaction is Q = −92.1 keV. The reaction α + 8Be → 12C has therefore time to occur
before 8Be decays, for a sufficiently large density of 8Be. At lower temperatures T6 = 10, the α-particle energies are not high
enough to produce the 8Be(0+1 ) resonance and the process is non-resonant. The Saha Equation for particle concentrations in
the reaction 1+ 2→ 3

n3 =
n1n2

2


2π
µkT

3/2

h̄3 (2J3 + 1)
(2J1 + 1)(2J2 + 1)

exp

−

E
kT


, (47)

can be used to calculate the equilibrium concentration of 8Be at T6 = 100 and density ρ = 105 gm cm−3. One obtains,
using n3 = n8Be, n1 = n2 = nα one gets n(8Be)/n(4He) = 10−9. At such concentrations, the amount of 12C produced is not
enough to explain the observed abundance of 12C, unless the reaction passes by a resonance [307,308]. If one assumes an
s-wave (l = 0) resonance in 12C slightly above the threshold, the 8Be+α reaction is greatly enhanced. Both 8Be and 4He have
Jπ = 0+, and an s-wave resonance would imply a 0+ resonance state in 12C. Fred Hoyle proposed that the excitation energy
in 12C had to be Er ∼ 7.68 MeV [307,308]. In fact, this state was discovered experimentally only a few years later [309]. The
state became known as the Hoyle state. It has a total width of Γ = 9 eV [310], mostly due to α-decay. The γ -decay to the
ground state of 12C is not allowed by angular momentum conservations, as all states have Jπ = 0+. The γ -decay width is
several thousand times smaller than the α-decay width, i.e, Γ = Γα + Γrad ∼ Γα . Experimentally, it was determined that
Γrad = Γγ + Γe+e− = 3.7 meV, dominated by the γ -decay width, Γγ = 3.6 meV.

The triple-α reaction rate is given by

r3α = ρ2N2
AY8BeYα ⟨σv⟩8Be+α . (48)

The cross section can be parametrized by a Breit–Wigner form for a resonance reaction. For a narrow resonance with width
Γ ≪ Er , the Maxwellian exponent exp (−E/kT ) in Eq. (14) can be taken outside the integral, yielding

⟨σv⟩ =


2π
µkT

3/2

h̄2 (ωγ )r exp

−

Er
kT


, (49)

where (ωγ )r is the resonance strength, given by

(ωγ )r =
2Jr + 1

(2Jj + 1)(2Jk + 1)


1+ δjk

 Γr Γγ

Γ
. (50)

In the equation above, Γr = Γα dominates over Γγ so that (ΓαΓγ /Γ ) ∼ Γγ .
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Fig. 7. (Left): Schematic view of the sequential triple-alpha process. (Right): Isotopic mass dependence of the relative abundances of elements in the solar
system. The abundances have been normalized so that the abundance of silicon is 106 . The data have been collected fromnumerous sources (see, e.g., [348]).

Using Saha’s equilibrium equation (47) one finds the equilibrium concentration of 8Be,

n(8Be) = n2
α (ωγ )r f

h3

(2πµααkT )3/2
exp


−

E
kT


, (51)

where a factor f was introduced to account for the enhancement of the cross section due to electron screening in stellar
environments [311]. The triple-alpha reaction rate is obtained bymultiplying the equilibrium concentration of the resonant
state in 12C by the gamma-decay rate Γγ /h̄ leading to the ground state of 12C. That is,

r3α = ρ2N2
AY8BeYα h̄2


2π

µα8BekT

3/2

(ωγ )r f exp

−

E ′

kT


. (52)

Combining all equations in one,

r3α→12C = ρ3N3
A
Y 3

α

2
33/2


2π h̄2

MαkT


3fω

ΓαΓγ

Γ h̄
exp


−

Q
kT


, (53)

where ω now denotes only the spin-related part of the Eq. (50). The Q -value is the sum of E ′(8Be+ α) = Er = 287 keV and
E(α + α) = |Q | = 92 keV, i.e., Q3α = (M12C∗ − 3Mα)c2 = 380 keV. The energy production rate is given by

ϵ3α =
r3αQ3α

ρ
= 3.17× 1014 ρ2X3

α

T 3
9

f exp

−

4.4
T9


MeV g−1 s−1, (54)

leading to an estimate of energy production in red giants of 100 ergs/g/s at T8 ∼ 1. The triple-α reaction runsmore efficiently
a temperature value of T8 = 1. Making a Taylor series expansion around T8 = 1 leads to ϵ3α ∼ T 41

8 . Hence, a small
temperature increase leads to amuch larger reaction rate and energy production. AGB stars experience thermal pulseswhen
the He burning shell is suddenly activated at high temperatures and densities and the helium burning becomes explosive.
When this occurs, for a stellar core under degenerate conditions, an explosive condition known as helium flash develops. The
luminosity from this process can reach values much larger than 1011L⊙. It is like the luminosity of a supernovae. However,
this energy does not reach the surface as it is absorbed by the expansion of the outer layers. As the flash continues, the
core also looses its degeneracy and expands. Helium flash models are complicated and not very accurate [312]. Maybe the
ignition really occurs due to neutrino losses in the dense regions of the star. In dense regions at temperatures of T > 108 K,
electron–electron collisions may produce neutrino anti-neutrino pairs, instead of photons. This process can cool the regions
close to the center of the star. Modeling of helium flashes may also include chemical mixing in the core and asymmetries.

Due to the impossibility to measure this reaction directly, the triple-α reaction has been revisited in many theoretical
works in recent years. In Ref. [313] a very large reaction rate was obtained compared with previous rate estimates
[314,148,315]. Using these reaction rates in stellar evolution models at typical helium burning temperatures, these results
are incompatible with the observation [315,316]. The abnormally large reaction rates have been questioned in subsequent
calculations [317–322] which reported amuch smaller rate, compatible with previously results [148]. Also recently, nuclear
lattice simulations, have allowed first steps towards ab-initio calculations of the Hoyle state [323]. Using lattice QCD
calculations the dependence of the triple-alpha process, the position of the 8Be ground state and the Hoyle state relative
to the threshold upon the light quark masses and the electromagnetic fine structure constant appears strongly correlated
with the binding energy of the α-particle. This puts a constraint on 2% in the adopted values of the quark masses and 2%
in αem. Such a fine-tuning has been linked to the so-called Anthropic principle. The ‘‘principle’’ states that the values of all
physical and cosmological quantities are restricted by the requirement that life exists in the Universe’’ [324].
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4.4. Red giants and AGB stars

After the hydrogen fuel in the core of a star is exhausted, the core contracts and its temperature rises. The outer layers
of the star expand and cool down. The star luminosity greatly increases turning it to a red giant. When its core temperature
reaches about 3×108 K, helium burning starts. The star’s cooling stops and its luminosity is further increased.When helium
burning completes the star has followed a path in the Hertzprung–Russell (HR) diagram first to the right, then to the left and
then to the right again and up. Therefore, based on its path on the HR diagram, it has been named asymptotic giant branch
(AGB) star. Stars with initial masses <9M⊙ reach the AGB phase in the final phases of their evolution. He burning turns
from convective to radiative, but eventually switches off and the convective envelope penetrates the inner He inter-shell
and brings to the surface the He burning products, a phenomenon known as the dredge up. This process can lead to carbon
and elements heavier than iron generated by the s-process. Dredge up can occur a few hundreds of times depending on
the stellar mass and the mass-loss rate as the star gravitationally contracts and heats up again. H burning resumes again
until another flash occurs. AGB stars emits newly synthesized material into the interstellar medium in strong stellar winds,
eroding its envelope within a million years [325]. With the formation of 12C via the triple-alpha capture, the following
α-capture reaction can occur,

12C+ α→ 16O+ γ . (55)

For large reaction rates for this process, all the carbon will end up into oxygen. But, after hydrogen, helium and oxygen,
carbon is the most abundant element in the Universe, and even the cosmic C/O ratio is of the order of 0.6 [310]. In fact, the
main outcome of He burning in red giants are C and O. The reaction in Eq. (55) is very complicated one because of capture
to resonances, non-resonant capture, and interfering sub-threshold resonances. One believes that the S-factor is about 0.3
MeV b [326,327]. Using the same procedure as described in the triple-alpha reaction case, based on Saha’s equation, one
gets the reaction rate

ω12C =


nα

7.5× 1026/cm3

 
2.2× 1013/s


e−69/T

1/3
8 T−2/38 , (56)

which has a very strong temperature dependence. For a red giant density of 104 g/cm3 and an α fraction of 0.5, we get
lifetimes for 12C of 1.8× 109 y for T8 = 1 and 1.8× 103 y for T8 = 2.

At temperatures T9 = 0.1 and above, the Gamowwindow is about E0 = 0.3MeV. This energy region is on the low energy
tail of a broad resonance at Ec.m. = 2.4 MeV above the α + C threshold. This is a Jπ = 1− resonance, with a width of 400
keV, 9.6 MeV above the ground state of 16O. Two sub-threshold resonances exist in 16O at Ex = 7.1 and 6.9 MeV. These
are −45 keV (Jπ = 1−) and −245 keV (Jπ = 2+) below the α-particle threshold. Both of these sub-threshold resonances
contribute to the reaction rate as their tails extend to the Gamow window. Isospin selection rules suppress the electric
dipole (E1) γ -emission from the 7.12 MeV state. Taking into account the resonances and sub-threshold states leads to an
S-factor of about 0.3 MeV barn. This is not enough to burn 12C completely to 16O, and one obtains the ratio C/O ∼ 0.1.
Microscopically this is very hard to explain and one has to resorts to phenomenological descriptions such as the R-matrix
formalism [328] to fit the data and extrapolate them to E0 = 300 keV. This is shown in Fig. 7. Direct measurements of this
reaction are very difficult at the stellar energy of 300 keV region and experiments show that the uncertainty of the rate of
the 12C(α, γ )16O reaction is within a factor of two [329–339]. An indirect method has been used to determine this cross
section, using the decay 16N(β−)16O*−→ 12C + α [333–337]. It yields gives S(300) = 146 keV b. It is often mentioned
that if the cross section for this reaction is twice larger than the presently accepted value, a 25M⊙ star will not produce
enough 20Ne since carbon burning would cease. The impact of this result is enormous as an oxygen-rich star probably
collapses into a black hole whereas carbon-rich stars would collapse into neutron stars [340]. More recently, efforts are
being made to study the 12C(α, γ )16O by means of the inverse process of photo-dissociation [341] using new laser facilities
such as the HIγ S facility at Duke University or the proposed ELI [342] and IZEST [343]. The burning of 16O via 16O(α, γ )20Ne
reaction is very slow during helium burning in red giant stars because of its very small cross section. The major ashes in
red giants are therefore carbon and oxygen. The 16O(α, γ )20Ne reaction is identified as the ‘‘end-point’’ of the reaction
chain 4He(2α, γ )12C(α, γ )16O(α, γ )20Ne. The reaction rate is very small because there are no resonances in the Gamow
window, around E0 = 300 keV [344–347]. The reaction is dominated by non-resonant direct radiative capture, but at higher
energies resonant capture through several low energy resonances may occur. The contribution of the direct capture is not
known [344,345].

5. Carbon, neon, oxygen, and silicon burning

When helium burning ceases the core of the stars becomes a mixture so C and O. Since H and He are the most abundant
elements, C and O are formed in appreciable large amounts [340]. Helium burning still continues in a layer surrounding
the C and O rich core and hydrogen burning in another layer surrounding the helium burning shell. When helium burning
ceases, there is not enough pressure to keep the star gravitationally stable and it begins to contract again. The temperature
of the helium-poor core rises again [349] but the contraction continues until the next burning fuel becomes effective or until
electron degeneracy pressure stops the contraction.
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5.1. Carbon burning

After helium burning, starswithmassesM ≥ 8−10M⊙ have their CO-rich core contract until temperatures and densities
reach T ∼ 5× 108K and ρ = 3× 106 g cm−3 and carbon starts burning. Energy is released and the contraction stops, and
a quiescent carbon-burning continues. Two 12C nuclei can fuse, leading to a compound nucleus of 24Mg nucleus with an
excitation energy of 14 MeV. The Gamow window at such temperatures is about 1 MeV, a region with many excited levels
in 24Mg [349]. The reaction rate for 12C+ 12C is found to be [350]

log(r) = log(f )+ 4.3−
36.55 (1+ 0.1T9)1/3

T 1/3
9

−
2
3
log(T9), (57)

where f is the electron screening factor. The protons and alpha particles produced in the decay channels are quickly burned
by means of the reaction chain

12C(p, γ )13N(e+νe)
13C(α, n)16O. (58)

Thus, the free proton is converted into a neutron and the α-particle fuse with 12C into 16O. We have discussed the reaction
12C(p, γ )13N when we referred to the CNO chain. In AGB stars some protons diffuse from the convective envelope into the
He inter-shell at the end of each dredge up and create 13C explaining the known abundances of the s-process elements at the
surface of AGB stars [351–355]. A thin layer known as the 13C pocket is produced by means of the 12C(p, γ )13N(e+νe)

13C.
When the temperature reaches T6 ∼ 100 the 13C(α, n)16O reaction starts generating the neutrons triggering the s-process
[356–359]. The cross-section is strongly influenced by a subthreshold resonant tail contribution [360]. Experimental
measurements of this reaction reached down to 270 keV, outside the Gamow window at 190 ± 40 keV for T6 = 100.
The kinetic energy is much below the Coulomb barrier, leading to an extremely small cross section [360–367].

Carbon burning produces nuclei such as 16O, 20Ne, 24Mg and 28Si with each pair of 12C releasing on average about 13
MeV [350] of energy. After the completion of the carbon burning phase, reactions such as 12C + 16O and 12C + 20Ne will
occur with reaction rates smaller than for 12C+ 12C due to the larger Coulomb barriers. The star will lose most of this energy
during the carbon-burning and later stages, by neutrino emission, a process that is very sensitive to the core temperature.
The neutrino luminosity soon becomes larger than the photon luminosity at the surface of the star. The timescale for energy
production in the star by neutrino emission is very short compared to the timescale for gravitational cooling, given by
tth = GM2

s /RsLs, where Ms, Rs and Ls are the mass, radii, and the star surface luminosity, respectively. Because of the slow
photon diffusion, there is not enough time for this energy to propagate to he surface, and its temperature does not change
considerably during and beyond the carbon burning phase.

5.2. Neon and oxygen burning

During the carbon burning stage mainly neon, sodium and magnesium are synthesized, with small traces of.aluminum
and silicon due to the capture of α, p and n released during that stage. After carbon is exhausted, the core contracts and
its temperature raises again. When T9 ∼ 1, the high energy photons present in the tail of the Planck distribution begin
to disintegrate 20Ne through the reaction 20Ne(γ , α)16O. Since α-decay processes release α-particles at nearly the same
energy as of an emitted nucleon, by time-inversion, one concludes that themost common photodisintegration reactions are
(γ , n), (γ , p) and (γ , α). The photonuclear rate passing by an excited state Ex is

r(γ , α) =


exp


−

Ex
kT


2JR + 1
2J0 + 1

Γγ

Γ


Γα

h̄
, (59)

where the term in brackets is the probability of finding the nucleus in the excited state Ex with spin JR (J0 is the ground state
spin) and the decay rate to alpha particle emission is given by Γα/h̄. Using Ex = ER + Q ,

r(γ , α) =
exp(−Q/kT )

h̄(2J0 + 1)
(2JR + 1)

ΓαΓγ

Γ
exp(−ER/kT ). (60)

The 5.63MeV level in 20Ne dominates the photodissociation process for T9 ≥ 1.When T9 ∼ 1.5, the photodissociation rate is
greater than the alpha capture rate on 16O leading to 20Ne, which is the reverse reaction [368–372]. The released α-particle
then also begins to react with 20Ne by means of 20Ne(α, γ )24Mg. The net result is the conversion of two 20Ne nuclei in the
form 20Ne(20Ne, 16O)24Mg with Q = 4.58 MeV. The neon burning stage is very quick and yields a core with a mixture of
4He, 16O and 24Mg nuclei. At the end of Ne burning, the core contracts and the temperature reaches T9 ∼ 2. Then 16O begins
to react by means of 16O(16O, α)28Si and 16O(16O, γ )32Si each occurring approximately 50% of the time. The oxygen burning
phase also produces, Ar, Ca and traces of Cl, K, . . ., up to Sc.
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5.3. Silicon burning

At T9 ∼ 3, the produced 28Si produced during the oxygen burning phase begins to burn in the Si burning phase. During
the neon burning phase, not only heavier nuclei are produced, but photons are sufficiently energetic to dissociate neon,
before the temperature is high enough to ignite reactions involving oxygen. Thus α-particles are produced in the neon
burning phase, a trend which continues in the silicon burning phase. In general, photodissociation of the nuclear products
of neon and oxygen burning continues when the temperature surpasses T9 ≥ 3 because of the high energy photons in the
tail of Planck’s distribution. In fact, photodissociation destroys nuclei with small binding energies and leads tomany nuclear
reactions involving protons, neutrons and α-particles with nuclei in the mass range A = 28− 65 such as

γ + 28
14Si −→

24
12Mg+ 4

2He,
4
2He+

28
14Si −→

32
16S+ γ , etc. (61)

The large number of free neutrons leads to several (n, γ )-reactions, i.e., to radiative neutron capture. Elements with the
largest binding energies in the iron mass region are produced abundantly. 56Fe has the maximum value for binding energy
per nucleon, leading to a full stop of the fusion reactions around the iron-group.

The compound nuclear levels in the nuclei with A = 28–65 formed during silicon burning are dense and overlapping. At
the high temperatures of T9 = 3–5, a quasi-equilibrium is reached of reactions occurring backward and forward between the
nuclei in thismass region. Among these there are a few slow reactions known as bottlenecks. As the nuclear fuel is consumed,
the thermal energy decreases by neutrinos escaping from the star, and many nuclear reactions stop occurring leading to a
freeze-out of the nuclear burning process.

6. Slow and rapid nucleon capture

Due to the large Coulomb barriers, the abundance of heavy elements above the iron peak would drop very much if they
were to be synthesized by reactions during the silicon burning phase [373] and would require larger temperatures. Higher
temperatures also increase photon energies in the Planck distribution, and eventually the photodisintegrations of nuclei will
dominate. Therefore, a statistical chemical equilibrium will be reached during silicon burning and a maximum abundance
of nuclei will be reached at the highest binding energies. This effect can only be circumventedwith high densities, like in the
rp-process on accreting neutron stars, where the high densities still favor capture reactions, acting against photodisintegra-
tions. However, the study of reaction chains used in stellar evolution show that large neutron fluxes can be produced at the
stellar core. Electron capture and beta decay reactions influence the reaction flow by changing the value of Ye (the num-
ber of electrons per nucleon) changing the stellar core density and entropy not only in the silicon burning phase, but also
in earlier oxygen burning phases. Fusion reactions involving charged particles cannot explain the formation of nuclei with
A > 100. Such heavy nuclei are formed by the successive capture of slow neutrons followed by β−-decay [374]. This process
can explain the maxima of the observed elemental abundance for N = 50, 82, 126 which are due to the small capture cross
sections for nuclei with magic numbers, leading to a peak of nuclear isotopes with these neutron values.

The speed of the process to produce heavy elements is determined by the timescales of the nuclear transformations
encountered along the process path. In case of an only small neutron density available neutron-captures are slower than
beta-decays, in the other extreme of very high neutron densities beta-decays are slower than neutron captures. Therefore,
the s-process nucleosynthesis runs very close to the valley of β-stability. On the other hand, rapid neutron capture, or
r-processes can only occur when τn ≪ τβ . It requires extremely neutron-rich environments, because the capture timescale
is inversely proportional to the neutron density. The r-process path includes very neutron rich and unstable nuclei, far from
the valley of stability. Nuclear half-lives are modified in the stellar environment and excited states can also be thermally
populated.

6.1. The s-process

The s-process path occurs along the valley of stability and avoids some nuclei because, whenN and Z are even, (N, Z) and
(N + 2, Z − 2) are stable to β decay, whereas the neighboring odd–odd nuclei (N + 1, Z − 1) are unstable. These odd–odd
nuclei have an unpaired proton and also an unpaired neutron, and have therefore a rather large ground state energy. The
production of the (N+2, Z−2) nucleus is therefore suppressed in the s-process. The observation of such isotopes with non-
negligible abundances is a hint that other processes than the s-process might occur. The reaction chain along the s-process
is of the form

dnA(t)
dt
= nn(t)nA−1(t)⟨σv⟩A−1 − nn(t)nA(t)⟨σv⟩A − λβ(t)nA(t), (62)

where nn(t) is the neutron density and λβ is the β decay rate. The first term accounts for neutron capture to form nucleus
A, the second and the third are related to its destruction by neutron-induced reactions and by β-decay. A simple estimate
can be applied for the s-process by assuming a slow β-decay rate, (i.e., the last term above) and also by assuming that
⟨σv⟩ = σA⟨v⟩. Then one finds

dnA(t)
dt
= ⟨v⟩nn(t) (σA−1nA−1 − σAnA) , (63)



80 C.A. Bertulani, T. Kajino / Progress in Particle and Nuclear Physics 89 (2016) 56–100

and, at equilibrium, dn/dt = 0, yielding

nA

nA−1
=

σA−1

σA
. (64)

The abundance for mass A is inversely proportional to the neutron cross section to A. If the cross section is small, mass Awill
be produced abundantly. A similar argumentation also works if β decay is faster than neutron capture because the small
capture cross sections at the closed shells will also result in mass peaks in that region, compatible with the observations.
Equilibrium will also occur more quickly in the plateaus between the magic numbers because mass will pile up around the
closed shells before they can be surpassed. Calculations suggest that a probable site for the s-process is the helium-burning
shell of a red giant [375,376], with sufficiently high temperatures to produce neutrons by means of 22Ne(α, n) 25Mg, where
the 22Ne nucleus is produced during the helium burning of the 14N ashes in the CNO cycle [148,377,378]. This occurs via the
reaction chain 14N(α, γ )18F(β+ν)18O(α, γ )22Ne [379]. Both 22Ne(α, n)25Mg and the competing 22Ne(α, γ )26Mg reactions
are poorly known. The s-process is ineffective beyond 209Bi because it leads to a decay chain that ends up with α emission
when the neutron is captured in this isotope [380]. That is the end product of the s-process and transuranic elements must
be produced in some other way.

6.2. The r-process

Nuclei with mass up to about A = 90 above the iron group are mainly produced by the s-process in massive stars.
For A ≥ 100 the contribution of the s-process is very small in massive stars and one believes that most of the s-process
contribution in this mass range occurs in AGB stars. The competing process, i.e., the r-process, is very fast and lasts for a
few seconds in dense neutron environments with neutron densities of nr process

n ∼ 1020–1025 cm−3, much larger than those
for the s-process, ns process

n ∼ 108 cm−3. During compression of electrons in a core-collapse supernova, β− decay process
in nuclei are Pauli-blocked due to the Fermi energy of the environment electrons being larger than the energy in the beta
decay. However, electrons can still be captured by nuclei, yielding a higher neutronized matter and a large flux of neutrons
and higher temperatures. Neutron capture on heavy nuclei is faster than β− decays when the matter expands and cools
down again. The r-process produces highly unstable neutron rich nuclei, and its path runs close to the neutron-drip line (see
Fig. 6, right). More than 90% of elements such as europium (Eu), gold (Au), and platinum (Pt) in the solar system are believed
to be synthesized in the r-process [381].

If the radiative capture reaction A + n → (A + 1) + γ is exothermic, and assuming a resonant reaction in a high level
density nucleus, and further neglecting spins, Eq. (49) leads to

⟨σv⟩(n,γ ) =


2π
µkT

3/2
ΓnΓγ

Γ
e−ER/kT . (65)

But the resonance energy is very close to zero, i.e., ER ∼ 0 and the rate is simply given by

r(n,γ ) ∼ nnnA


2π
µkT

3/2
ΓnΓγ

Γ
. (66)

The high-energy tail of the Planck distribution for thermal photons (with h̄ = c = 1) is given by n(Eγ ) ∼ (E2
γ /nγ π2)e−Eγ /kT ,

where nγ ∼ (π/13)(kT )3, is the approximate value of the total photon density obtained by integrating Planck’s distribution
over all energies. For a resonant reaction, and using the asymptotic form of the Maxwell–Boltzmann distribution in the
reaction rate integral, we get

r(γ ,n) ∼ 2nA−1
Γγ Γn

Γ
e−ER/kT . (67)

In equilibrium, i.e., when the (n, γ ) and (γ , n) rates are the same, and using nA ∼ nA−1, leads to

nn ∼
2

(h̄c)3


µc2kT
2π

3/2

e−Sn/kT ,

where we assumed that ER is the same as neutron separation energy, Sn. If we assume that the r-process works under the
conditions of nn ∼ 3 × 1023/cm3 and T9 ∼ 1, we obtain that Sn ∼ 2.4 MeV. Hence, neutrons are bound by about 30kT , a
small value compared to typical binding energies of 8 MeV in a normal nucleus. This means that contour line of constant
neutron separation energy is close to the neutron drip-line.

Assuming that one knows under what conditions the r-process operates, the goal is to reproduce the relative abundance
of elements observed in our Galaxy, shown in Fig. 7, right. For A < 100 it decreases exponentiallywith A, while for A > 100 it
is nearly constant, except for the peaks around themagic numbers Z = 50 andN = 50, 82, and 126. At the shell closure gaps
N = 82, 126, the neutron number stays fixed because the nuclei cannot overcome the gap energy. They have to wait for the
severalβ-decays to overcome the shell closures.Moreover, theβ decays are slow at the shell closures. That is why the closed
neutron shells are calledwaiting points. The abundance of an isotope is inversely proportional to the β decay time, opposite



C.A. Bertulani, T. Kajino / Progress in Particle and Nuclear Physics 89 (2016) 56–100 81

to what occurs in the s-process, where it is proportional to the time scale of neutron capture (i.e., inversely proportional to
the neutron-capture cross section). Therefore, mass accumulates at the waiting points, yielding the peaks shown in Fig. 7,
right. The abundance peaks near A = 130 and A = 195 are a signature of an environment of rapid neutron capture near
closed nuclear shells. But calculations of the elemental abundances just close to those peaks are often underproduced by one
order of magnitude or more. This has been recently explained by means of fission fragments from the recycling of material
in a neutron-rich environment such as that encountered in neutron star mergers [382–384].

When the r-process ends, the nuclei β-decay to the valley of stability. Neutron spallation moves the peaks to a lower
value in A. But the peaks are also shifted to lower values of N because β-decay transforms neutrons into protons during
the r-process. At the end of the r-process very heavy nuclei (A ∼ 270) might be produced until β-delayed and neutron-
induced fission occurs leading the nuclei back to A ∼ Amax/2. For the r-process to exist one needs very high densities and
temperatures and reactions occurring at very short timescales, e.g., nn ∼ 1020 cm−3, T ∼ 109 K, and t ∼ 1 s. But these are
explosive conditions, which could occur (a) in the neutronized region above the proto-neutron star in Type II supernova, (b)
or in neutron-rich jets from supernovae or from neutron star mergers [385–388], (c) during the inhomogeneous Big Bang,
(d) in He/C zones in Type II supernovae, (e) in red giant He flashes, and (f) in neutrino spallation on neutrons in the He
zone [389–392]. Numerical calculations show that for the scenarios (d–f), the neutron density nn are lower than those for
the scenarios (a–c). The critical role of light neutron-rich nuclei in the r-process nucleosynthesis in supernovae has been
studied in Refs. [389,390,393,394]. Most of the neutron-capture reaction rates rely on statistical model predictions [395]
with the need for detailed nuclear structure parameters [396]. Because directmeasurementswith neutrons are very difficult,
experimentally one has resorted to the inverse photodisintegration reaction [397,398] or (d, p) neutron transfer [399].

One possible scenario for the occurrence of the r-process are neutron stars mergers. In fact, recent calculations suggest
that heavy elementswith A > 110 are difficult to be produced in core-collapse supernovae due to a not sufficiently neutron-
rich environment [400,401]. Neutron star mergers take a long time to merge (about 100 Myr) at a low rate. They occur in
neutron star binary systems that lose their energy very slowly due to gravitational radiation. It has been shown in several
calculations that neutron starmergersmight be responsible for the full range of nuclei produced by the r-process [402–414].
There is a strong debate going on in the literature to define if the site of the r-process elements is located in supernovae or in
binary neutron stars mergers. Recent progress on understanding the r-process has been reported in Refs. [414,415,382–384,
416–420].

Long-lived radioactive nuclei are often utilized as cosmo-chronometers. They are useful for investigating the nucleosyn-
thesis process history of the cosmic evolution before the formation of the solar system, an idea proposed by Rutherford
about 70 years ago [421]. Only a handful of cosmo-chronometers with half-live values useful for dating the cosmic age,
1–100 Gyr, are known, e.g., 40K, 176Lu, 187Re, 232Th and 238U. The pair of nuclei 187Re-187Os, was also proposed as cosmo-
chronometer to investigate the galactic history of the r-process [422]. 187Re predominantly decays by β− after the freezeout
of the r-process. The s-process nuclei 186,187Os are not produced in the r-process but 186Os is produced in the s-process and
its observed abundance normalizes the overall 186Os production. The half-life for 187Re to decay into 187Os is 4.35 × 1010

yr [423], longer than the age of the Universe. After subtraction of the contributions of s-process, the epoch from an r-process
nucleosynthesis event can be determined by the presently observed abundances of 187Re and 187Os. The robustness of the
187Re-187Os chronometer has confirmed in several publications (see, e.g., Refs. [424,425]).

7. Electron screening and pycnonuclear reactions

Astrophysical environments are full with free, ionized, electrons due to the very high densities and temperatures. The
electron screening is very important as it increases the reaction cross sections by lowering the Coulomb barrier. The reaction
rates are thus accelerated by the electron screening effect in astrophysical plasmas. The reaction rate integral (14) is then
modified in the presence of electron screening, yielding approximately

⟨σv⟩∗j,k = f (Zj, Zk, ρ, T , Yi) ⟨σv⟩j,k , (68)

there the screening factor f depends on charges of the reacting nuclei, density, temperature, and nuclear abundances, Yi.
The screening effect can be calculated by assuming that locally the energy of the charges in the presence of a Coulomb

field V (r) of an ion are obtained from the statistical Boltzmann distribution. One finds

V (r) =
Zie
r

exp

−

r
RD


, (69)

where RD is the Debye radius, given by

R2
D =

kT
4πe2


i
Z2
i ci0

, (70)

where ci0 is the spatially uniform concentration of either positive of negative charges in the plasma, if the screening effect
would not be present. The weak screening corresponds to ZieV (r)/kT ≪ 1, so that the local charge density at a distance
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r from then plasma is ρ(r) = −(e2V (r)/kT )


i Z
2
i ci0. Therefore, the Coulomb potential is modified between the strong

interaction radius R and the classical turning point R0, leading to a modification of the barrier penetrability. In the weak
screening limit, RD ≫ R, R0, and one can approximate V (r) around r = 0, leading to V (r) = Z1Z2e2/r + U(r), where the
Debye–Hueckel screening potential, U(r) = U(0) = const., is given by U0 = −Z1Z2e2/RD. Due to the reduction of the barrier
penetrability, the astrophysical reaction rates are enhanced and a screening factor f = exp (U0/kT ) appears in Eq. (68). In
the weak screening limit, it is just f ≃ 1− U0/kT , or, including charge, density, and temperature dependence,

f = 1+ 0.188
Z1Z2ρ1/2ξ 1/2

T 3/2
6

, where ξ =


i

(Z2
i + Zi)2Yi. (71)

It is very important to include the screening effect in reaction rate calculations. For example, in our Sun, the reaction 7Be(,
γ )8B, leads to the formation of 8B. Screening effects increase this reaction rate by about 20%, thus affecting appreciably
the emission of high energy neutrinos through the β-decay of 8B. At high densities and low temperatures, electron
screening can lead to enhancements of nuclear reactions by several orders of magnitude, leading to pycnonuclear ignition
[426–428]. Because of the low temperatures in some stars (e.g.,WD), nuclei are arranged in lattice structures. The zero-point
vibrations of such nuclei is responsible for the tunneling through a wide Coulomb barrier. Because barrier penetrability
is an exponential effect with energy, screening can strongly modify its value. Pycnonuclear reactions depend little on the
temperature and, due to zero-pointmotion, they can occur even at T = 0. They also increase rapidlywith density, e.g., carbon
fusion into heavy elements is strongly enhanced at ρ & 1010 g cm−3. Pycnonuclear thermonuclear reactions happens in
compact astrophysical objects and is regulated by the plasma parameter Γ = Ze2/akT , where a is the distance between
particles. Reactions occur in such conditions when

Γ ≪ 1≪ E0/kT , (72)

where E0 is the Gamow peak energy. Screening effects and ion–ion correlations become important when Γ ∼ 1. When
Γ & 1, one needs to use advanced statistical theories for the plasma [429]. One can still use the approximate electron
screening given by Eq. (69) if the Debye length is replaced with the inter-particle distance a. For E0 > kT the reaction
rate correction due to electron screening, is about exp(Γe), with Γe = VC (ae)/kT being the plasma parameter at the
mean inter-electron distance ae (VC is the Coulomb ion–ion potential). If one includes ion–ion correlations, the reaction
rates are enhanced by a factor exp(Γ ). The screening corrections are large at low temperature, as one can show that
T (keV) = 0.02Z1Z2[ρ(g/cm3)]1/3/Γ .

Electron screening also play a fundamental role in obtaining the cross sections of interest at the low energies
[430–432]. Screening causes a modification of the Coulomb potential leading to an enhancement in cross sections that have
been observed experimentally [137,433–436]. This effect can be calculated [430] using the adiabatic approximation [437],
in which one assumes that the electron cloud of the reacting nuclei adjust to the ground-state of a ‘‘molecule’’ consisting of
the two nuclei as they approach each other. A screening potential is obtained given by Ue = B(Z1+Z2)−B(Z1)−B(Z2)where
B(Z1+ Z2) and B(Zi) are the binding energies of the two joint charges of the nuclei and of the individual nuclei, respectively.
Energy conservation demands that the relative energy of the ions increase by

σ (E + Ue) = exp

πη(E)

Ue

E


σ(E), (73)

as they react. This leads to a modification of the astrophysical S-factor by an amount f = exp [−2πη(E)], where η =
Z1Z2e2/h̄v, where v is the ion–ion initial relative velocity. For light systems, the atomic electron velocities are comparable to
that of the projectile and a dynamical calculation is necessary [437]. The so-called adiabatic approximation, based on frozen
ion–ion velocity is an upper limit of the enhancement of laboratory screening.

The cross section for the reaction 3He(d, p)4He has been studied in Ref. [438], yielding Ue = 219± 15 eV, unexpectedly
larger than the adiabatic limit value of Uad = 119 eV. Theoretical attempts to solve this discrepancy have apparently
failed [437,439–442]). The amplification of small effects have been considered in Ref. [439], and a solution based on
the corrections to the electronic stopping power was proposed [443,444] and further studied in Refs. [445,446]. The
experimentally determined values of the screening potential for several reactions lead to an observed discrepancy with
theoretical calculations by about one order of magnitude larger and larger screening values have been reported for liquid
and solid targets [447]. The screening problem is not well understood both theoretically and experimentally. It is not ruled
out that the solution might be due to improper analysis of the experimental results [209]. Recently it has been advocated
that the electron screening problem in fixed target experiments might be due to polarization and alignment of cluster-like
structures in light nuclei [448].

In the crust of neutron stars, neutron-rich nuclei are located on a lattice. If the lattice spacing shrinks enough due to the
gravitational pressure of accreting material from a companion stars, pycnonuclear reactions can set in at a critical lattice
spacing. This is thought to be a possible source of energy for γ -ray bursts in neutron stars. In neutron stars Γ can be very
large, e.g., Γ > 170, in which case the ions are frozen in a crystalline lattice, with each of them oscillating with a frequency
ω about its equilibrium point. The oscillation frequency is found to be h̄ω = (4πnZ2e2/3m)1/2, where Z , m, and n are, the
ion’s charge, mass, and number density. When h̄ω/kT & 10 (the ion thermal energy), the oscillation amplitude is small
compared to the inter-particle distance a ∼ ρ−1/3. Therefore, they can only interact with neighboring in the lattice. The
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Coulomb penetrability is nearly independent of the temperature, being proportional exp(−ρ1/6), and the reaction rate
is ⟨σv⟩ = 107ρ−0.68 exp(−260ρ−1/68 ) cm3/s, where ρ8 is the density in units of 10−8 g/cm3 [429,428]. Cold WD with a
carbon core can suddenly release energy through such pycnonuclear reactions, when the core is compressed to densities of
109 g/cm3. The reaction rate for carbon fusion increases rapidly as it were at a very high temperature and low density, as in
a normal star. Strong plasma screening in dense matter and its relation to thermonuclear nuclear burning in white dwarfs
and neutron stars have been studied recently in Ref. [449].

The heat released by accretion in neutron stars ignites nuclear reactions in its surface and energy is radiated emitted by
photons, being unable to heat up the star interior. But, due to its own weight, the accreted material sinks into the star crust
increasing its density and igniting β-capture, neutron absorption and emission, and pycnonuclear reactions. Highly exotic
nuclei, stable in dense matter (ρ & 109 g cm−3), are formed. At higher densities, ρ ∼ 1012–1013 g cm−3, hundreds of meter
below the neutron star surface, pycnonuclear reactions develop, increasing the crust heating by thermal conductivity and
warming up thewhole neutron star. For iron nuclei at the crust, at ρ ∼ 109 g cm−3, reactions of the type 34Ne(34Ne, γ )68Ca;
36Ne(36Ne, γ )72Ca; and 48Mg(48Mg, γ )96Cr begin to ignite and release about 1.5 MeV per accreted nucleon [450,451]. The
whole power generated is thus determined by the mass accretion rate, dM/dt . One thus estimates that the luminosity due
to such process is given by

L ≃ 1.5 MeV

dM/dt
mN


≈ 8.8× 1033


dM/dt

10−10M⊙ y−1


erg s−1, (74)

with mN being the nucleon mass.

8. Nucleosynthesis in cataclysmic events

8.1. Novae

Novae (or ‘‘new’’) stars increase their brightness by a factor of a million before their visual disappearance. The process
lasts for a few days only, reaching peak luminosities at L = 104–105L⊙ and ejected energies of 1045 ergs, and takes a few
months to decrease. More than half of all stars are believed to be part of a binary system, consisting of a WD star orbiting
around an orange/red dwarf or a red giant [452,453]. The fuel originating the outbursts by theWD are gases falling from the
larger star. The novae events leave the participating stars almost intact and the phenomenon can recur within 104–105 yr.
Supernovae, on the other hand, are one-time events leading to the total destruction of the star. Novae occur by a few dozen a
year in our galaxy. Observations show that nova ejecta are rich in He, C, N, O, Ne, and Mg [454], but they only contribute by
1/50 as much intergalactic material as supernovae, and only by 1/200 as much as red giant and supergiant stars. In novae,
the matter accretes from the binary companion and accumulates at the surface of the WD, building up a hydrogen layer,
belowwhich is themain components of theWD,mainly of carbon and oxygen. The accretingmaterial leads to an increase in
pressure and temperature and theWD surface grows, eventually becoming hot enough to burn hydrogen into helium.When
the mass accreted reaches M⊙/100,000, a nuclear explosion starts at the base of the accreted material. The surface layer is
ejected at∼1000 km/s or greater. The WD is left intact underneath the explosion and the cycle can repeat again as long as
the companion star can provide fresh hydrogen-richmatter. In classical novae, the triggering reaction is 12C(p, γ )13N leading
to the reactions 13N(β+)13C(p, γ )14N with is part of the CNO cycle. As the temperature increases and τp,γ [

13N] < τβ+ [
13N]

the reactions 13N(p, γ )14O and 16O(p, γ )17F, and 14N(p, γ )15O occur. The reactions 18F(p, α)15O, 25Al(p, γ )26Si, 30P(p, γ )31S
have been identified as major sources of nuclear uncertainties [455]. The endpoint for classical nova nucleosynthesis, as
predicted by theory and obtained in observations, is around the Ca isotopes.

8.2. X-ray bursters

X-ray bursts are also a common phenomenon besides novae and supernovae [456]. In X-ray binary systems, the compact
object is not a WD but either a neutron star (NS) or a black hole. The larger gravitational field of the compact stars gives rise
to large velocities of the accreting gas rich in hydrogen and helium (Fig. 8, left). The fallingmaterial collides with the already
accreted material, leading to the formation of an accretion disk and releasing a humongous amount energy within a short
time (∼1038 erg s−1 within 1–10 s). The energy is mostly released as X-ray photons. The accreted material forms a dense
layer of degenerate electron gas at the surface of the star, due to its strong gravitational field. Changes in temperature do not
yield appreciable changes in pressure in a degenerate electron gas, but after enough material accumulates on the surface of
the star, thermal instabilities occur triggering nuclear fusion reactions, further increasing its temperature, now greater than
109 K, and finally enabling a runaway thermonuclear explosion. Nucleosynthesis starts with the hot CNO cycle and quickly
becomes an rp-process, i.e. a succession of rapid proton captures before the nuclei are able to β-decay by e+ emission.

X-ray bursts can also be recurrent (from hours to days) because they are not powerful enough to disrupt either the
binary system orbit or the stars. The recurring bursts occur at irregular periods, from few hours to several months [457].
Modeling of X-ray bursts and the subproducts of the nuclear reaction networks have been published by several authors
[454,458–474]. They involve rp-process, the 3α-reaction, and αp-process (i.e., (α, p) combined with (p, γ ) reactions). In
some of these modeling several hundreds of nuclei are included in the reaction network. It is not easy to identify the
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Fig. 8. (Left): The accreted matter on a neutron star leads to X-ray bursts and a runaway reaction chain involving H, He, and C capture, electron capture
(EC) and also pycnonuclear reactions in the deeper crust of the NS. (Courtesy of H. Schatz.) (Right): Schematic view of the ‘‘onion-like’’ structure of a
pre-supernova 20M⊙ star.

reactions of most relevance [475–480], although some reactions such as 65As(p, γ )66Se, 61Ga(p, γ )62Ge, 12C(α, γ )16O and
96Ag(p, γ )97Cd have been identified as key reactions along with about 50 other reactions out of 7500 included in the
calculations [312]. These reactions as well as the masses of several nuclei would have a strong influence on the predicted
yields. More recently attention has been given to new phenomena called by X-ray superbursts [481–486] which possibly
result from thermonuclear runaways occurring in deeper layers at densities greater than 109 g cm−3 [482].

8.3. Supernovae

Type I Supernovae (SNI) are thermonuclear stellar explosions triggered bymaterial accreted into amassive carbon–oxygen
WD in a binary system. They play an important part in astronomy as ‘‘standard candles’’, compared to which luminosities of
other stars are used to infer cosmic distances, because all are thought to blazewith equal brightness at their peaks. Hundreds
of nuclear isotopes and thousands of nuclear reactions participate in the process, at densities of up to ρ ∼ 1010 g/cm3

and temperatures up to T ∼ 1010 K. The explosion can lead to turbulent instabilities and energy deflagration during the
expansion of a SNI. Detailed 3D hydrodynamic modeling is necessary and accurate nuclear physics input must be provided.

Type II Supernovae (SNII) have hydrogen in their spectra and their light curves peak around 1042 erg s−1. In contrast, SNI
do not showhydrogen in their spectra. If their spectra contain some silicon lines, they are called Type Ia. If the spectra contain
helium lines they are called Type Ib. If they do not contain helium lines, they are called Type Ic. The luminosities of Type Ia
supernovae can reach a peak value of about 2 × 1043 erg s−1. For more details on Type Ia supernovae, see, e.g., Ref. [487].
SNII show H-lines in their spectra and, in contrast, SNI lack H in their ejecta. Type II supernovae develop from stars with
mass larger than 10M⊙, burning hydrogen in their core, and contracting when hydrogen is exhausted, until densities and
temperatures are so high that the 3α→12 C reaction ignites. He burning follows, producing nuclear ashes which are also
burned and an ensuing cycle of fuel exhaustion, contraction, followed by ignition of the ashes from the previous burning
cycle repeats, finally bringing the star to the ignite an explosive burning of 28Si up to Fe nuclei [488,489]. This evolution
is fast for heavy stars, with a 25M⊙ star going through all of the cycles within 7 My, and the final Si explosion stage only
taking a few days. The start will then possess a ‘‘onion-like’’ structure, as shown in Fig. 8, right. Starting from the center,
there is an iron core, remnant of silicon burning, followed by successive thick layers of 28Si, 16O, 12C, 4He, and 1H. At the
interfaces between these regions, nuclear burning continues. Silicon burning exhausts the nuclear fuel and the heat from
nuclear reactions cannot hold the gravitational contraction of the iron core. A collapse occurs inevitably. But stars with
M > 20–30M⊙ might not explode as a supernova and instead collapse into black holes [490]. Supernova models together
with recent observations of lowmetallicity stars have confirmed that the ejecta of SNII are characterized by elevated ratios of
α-elements (a convenient designation for the observation that some even-Z elements such as O, Mg, Si, S, Ca, and Ti) relative
to iron: [(α-elements)/Fe]≃+0.5. Therefore, the contributions of SNIa to 56Fe comprise≃2/3 of the observed galactic iron.
Since SNIa produce≃0.6M⊙ per event while SNII produce only≃0.1M⊙ per event, than SNII have been about 3 times more
numerous when averaged over the galactic history.

The core in a pre-supernova has densities and temperatures around 2× 109 g/cm−3 and kT ∼ 0.5 MeV, or T ∼ 1010 K,
respectively. The core is composed of 56Fe nuclei and electrons. The collapse of the core is accelerated by two factors. The
nuclei and photons are initially in thermal equilibrium, that is,

γ + 56
26Fe←→ 13(4He)+ 4n− 124 MeV. (75)

For the densities and temperaturesmentioned above, half of 56Fe is dissociated, taking energy away from the core and causes
pressure loss. The collapse is therefore accelerated. But if the core mass exceeds the Chandrasekhar mass MCh ∼ 1.5M⊙,
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nuclei capture electrons so that the Pauli principle is avoided, that is,

e− + (Z, A) −→ (Z − 1, A)+ νe. (76)

As the core collapse continues, nuclear densities of the order of ρN ≈ 1014 g/cm3 are reached, and matter becomes a
degenerate Fermi gas of nucleons. Because nuclear matter has a finite compressibility, the collapse in the inner part of the
core decelerates and starts to increase again due to the increase of the nuclear matter. A shock wave is then developedwhich
propagates to the external part of the starwhich, during collapse continued to contract and reached supersonic velocities. An
outward bound shockwave could lead to the supernova explosion, but crucial pieces of the physics are unknown, including a
good equation of state of the nuclearmatter under such diverse conditions [491]. The compressibility influences the intensity
of the shock wave, approximately given by 1051 erg, needed to eject the mantle of the star. But as the shock wavemust have
initiallymore energy because as travels outwards, it heats andmelts the iron on its way, at a loss of about 8MeV/nucleon. An
enhancement in electron capture rates occurs on the free protons left over by the shock wave. This together with a sudden
reduction of the neutrino opacity (σcoherent ∼ N2), greatly enhances neutrino emission (neutrino eruption), leading to more
energy loss, a process which can lead to the shock to stall. The neutrinos will escape and take away energy from the core, it
looses pressure and the collapse, is again accelerated. The chemical equilibrium condition for the reaction e−+p→ νe+n is
µe+µp = µn+⟨Eν⟩, withµi being the chemical potential of particle i. But since the neutrinos escape and the electron Fermi
energy increases as the density increases, the reaction above breaks equilibrium and leads to a rise of neutronization of the
matter. The neutrinos also carry off energy and lepton number. All these features lead to a very fast collapse, as attested by
accurate numerical simulations as reported by several groups (see, e.g., Refs. [492–498]) with first genuine 3D calculations
being reported recently [499–501].

8.4. Neutrinos

For an iron core of mass ∼1.2–1.5M⊙ models predict that the collapse happens at about 0.6 of the free fall time [349]
for matter under gravitation, given by tfall = (3/8πGρ)1/2. The iron core has a density of ∼108 g cm−3 at its edge and
∼3 × 109 g cm−3 at its center when the collapse starts. Thus, tfall = 0.13 ρ

−1/2
8 s, where ρX is the density in X g cm−1/3.

The neutrino mean free path for scattering on matter is λν = 1/ ⟨nσν⟩, and for a typical neutrino energy of 20 MeV it is
only λν ∼ 0.5ρ−112 km. The time it takes for the neutrinos to diffuse to a radial distance R is given by tdiff = R2/3λνc. The
neutrino scattering off matter occurs through both coherent neutral current and charged current processes. The neutral
current neutrino scattering cross section is determined by the total nuclear weak charge, proportional to N2, where N is
the neutron number. The neutrino random walks in the core, leading to its diffusion up to the core surface. On its way,
neutrinos can induce nucleosynthesis, which can be enhanced with neutrino oscillations [503,504,393,394]. For a core with
mass 1.5M⊙ and a neutrino energy approximately equal to the approximate local Fermi energy, EF ∼ 35ρ1/3

12 MeV, one finds
tdiff = 5× 10−2ρ12 s. If we compare the diffusion time scale with the free fall time scale, we get tdiff /tfall = 40 ρ

3/2
12 s. Hence,

for density larger than 1011 g cm−3 the neutrinos become fully confined in the core.More energy is released by the continued
gravitational collapse and the star’s still existing lepton number are trapped within the core. The fact that tdiff much larger
than tfall reinforces the relevance of the neutrino diffusion process. Accurate calculations show that neutrino diffusion occurs
on a time scale of about 2 s. All three species of neutrinos are generated by pair production in the hot medium. A new
shock wave can be reinstated by the outward push due to neutrino diffusion which carry most part of the gravitational
energy liberated in the collapse of the core (≈1053 erg). For a new shock wave to develop one needs only∼1% of the energy
contained the neutrinos, if this energy is converted into kinetic energy of nuclear matter by means of coherent neutrino-
nucleus scattering. The stellar explosion ignited in thisway is known as the retardedmechanism for supernova explosion. The
first shock wave stalls at a radius of 200–300 km. The shock wave revival probably occurs at about 0.5 s later. To know the
exact mechanism of a supernova explosion it is necessary to know the electron capture rates, the nuclear compressibility,
and the neutrino transport properties. The remnant of the explosion is an iron core, and it will either become a neutron star,
and maybe a pulsar (rotating neutron star), or even a black-hole, for more massive stars, with massesM ≥ 25–35M⊙.

The daughter nucleus in Eq. (76) may beta decay and the original nucleus can be restored, with the creation of an
electron–neutrino and electron–antineutrino (ν̄e) pair and the emission of the neutrinos from the core. This process can
repeat, draining energy from the core by the escaping neutrinos. The two-step process is given by

(N, Z)+ e− −→ (N + 1, Z − 1)+ νe (electron capture),

(N + 1, Z − 1) −→ (N, Z)+ e− + ν̄e (β-decay). (77)

For a core ofM ∼ 1.5M⊙ and a 10 km radius, an estimate of its binding energy is GM2/2R ∼ 1053 ergs, which is roughly the
trapped energy later radiated by the neutrinos. The electron captures on nuclei occur at small momentum transfer, and they
are dominatedbyGamow–Teller (GT) transitions; i.e. the response of nuclei to spin–isospin (στ ) operators, inwhich aproton
is changed into a neutron. The electron chemical potential µe grows with density like ρ1/3 and when it is of the same order
as the reaction Q -value, the electron capture rates are very sensitive to the detailed GT distribution of the involved nuclei.
Experiments are very difficult to carry out in order to obtain such nuclear matrix elements to obtain the weak-interaction
rates for A ∼ 50–65, which are relevant at such densities [505–508]. An alternative is to use charge-exchange reactions such
as (p, n), (3He, t) or heavy ions (Z, Z ± 1), performed in inverse kinematics [509–522].
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Also worth mentioning are efforts to use charge-exchange reactions to access double-beta decay matrix elements
[523,524]. As we discussed in Section 3.5, the matrix Uij represents the PMNS matrix, when the standard three neutrino
theory is considered. It reads [525]Ue1 Ue2 Ue3

Uµ1 Uµ2 Uµ3
Uτ1 Uτ2 Uτ3


=

1 0 0
0 c23 s23
0 −s23 c23

  c13 0 s13e−iδ

0 1 0
−s13eiδ 0 c13

  c12 s12 0
−s12 c12 0
0 0 1

 eiα1/2 0 0
0 eiα2/2 0
0 0 1


Atmospheric Reactor Sun double-beta decay

(78)

where cij = cos θij and sij = sin θij, and the last line gives which type of experiment that are sensitive to each sub-matrix.
To a good approximation, the experimental data can be understood in terms of oscillations between just two neutrino
flavors. Atmospheric νµ neutrino data has determined the mixing angle θ23 while the solar neutrinos νe were used to
determine θ12 [526]. The phase factors α1 and α2 are nonzero only if neutrinoless double beta decay occurs and if neutrinos
are Majorana particles, i.e. if the neutrino is identical to its antineutrino. The phase factor δ is non-zero only if neutrino
oscillations violate CP symmetry. Double beta decay can be calculated in the standard model as a second order process,
(A, Z) −→ (A, Z + 2)+ 2e−+ 2ν̄e. Two neutrino double beta decay (0νββ) has been observed in about a dozen nuclei with
lifetimes of the order of 1021 yr [527]. In a number of even–even nuclei, β-decay is energetically forbidden, while double-
beta decay is energetically allowed. Promising candidates are 0νββ decay in 48Ca, 76Ge, 82Se, 96Zr, 100Mo, 116Cd, 128Te, 130Te,
136Xe, and 150Nd as 2νββ have been observed for these nuclei. If 0νββ is observed, it would imply lepton number violation
by two units and additionally that neutrinos have a Majorana mass component. The process would probably be mediated
by light and massive Majorana neutrinos. Due to its immense impact on nuclear, particle, and astrophysics, there has been
a huge effort to study 0νββ decay both experimentally and theoretically [528–537].

8.5. Supernova radioactivity and light-curve

During a supernova explosion nucleosynthesis proceeds in the silicon core leading to several radioactive isotopes,
including 56Ni, 57Ni and 44Ti, which have short half-lives [538,539]. The decays of these isotopes can be directly observed.
They are characterized by either the half-life, t1/2, or by the decay time τ = t1/2/ ln 2. An example is 26Al, which has a 720
kyr lifetime to decay into 26Mg. The decay from the 26Al 5+ ground state goes to the first two excited states of 26Mg, both
of them 2+ states at 2.938 and 1.809 MeV above its ground state. 97% of the time the later state is populated, and decays by
emitting a 1.809MeV γ . The 2.938 MeV state decays to the 1.809MeV level, ant therefore a small quantity of 1.129 MeV γ ’s
are created. The primary site for 26Al production is believed to be Type II and IIb supernovae [538]. For 56Ni, τ = 8.8 days,
due to the electron capture process 56Ni(e−, γ )56Co, with γ -rays energies of the order of 0.16–0.8MeV. However, 56Co is not
stable either and decays according to 56Co(e−, γ )56Fe or 56Co→ 56Fe+ e++ νe, with a branching ratio for the first decay is
80% and 20% for the second, yielding gamma-ray and positron sharing the energy emission by 96% and 4%, respectively. The
most intense gamma-ray lines occur at 0.847 and 1.237MeV and themean positron energy is 0.66MeV. Recent observations
are in agreement with the model of an explosion of a 1.5M⊙ WD, providing a proof of the standard hypotheses of Type Ia
supernovae explosion [540]. 57Ni also decays by electron capture, 57Ni(e−, γ )57Co, within a very short time, τ = 52 h.
Another interesting decay is 57Co(e−, γ )57Fe, with τ = 390 days. Produced in a nuclear statistical equilibrium at high
densities of (104–1010 g/cm3) and temperatures (4–10)× 109 K, 44Ti has a half-life of 59 yr. It decays first to 44Sc by means
of 44Ti(e−, γ )44Sc, followed by a very quick decay time, τ = 5.4 h, to 44Sc(e−, γ )44Ca or 44Sc → 44Ca+ e++ νe [541–546].
All these radioactive decays yield either γ -rays or positrons. The γ -rays Compton-scatter off electrons, losing about half of
their energy to electrons in each collision. Initially, the γ -ray energies are in the MeV range, much larger than the atomic
electron binding energies, and thus both bound and free electrons contribute to the scattering. The γ -ray energies decrease
until the photoelectric absorption cross section is larger than the Compton cross section, at Eγ ∼ 10–100 keV, mostly on
iron.When the shock stops the radiation leaks out on a diffusion time scale, tdiff ≃ 3R2ρκ/π2c , where κ is now the opacity to
radiation. The expansion time scale is texp ≃ R/v and the opacity due to Thompson scattering is κ = 0.4 cm2/g. The two time
scales are comparable, tdiff /texp ∼ 1 for a typical mass of 10M⊙, when the supernova has expanded to Rpeak ∼ 4× 1015 cm.
Only after tpeak = Rpeak/v ∼ 40 days, the radiation can leak out faster than the ejecta can expand.

The first information indicating that a core-collapse supernova event has occurred is the burst of neutrinos. A few hours
later electromagnetic radiation is released initially as a ultra-violet flash. The expanding supernova only becomes visible
at the optical wavelengths, with a rise and fall of the light curve which is a result of an increasing surface area and a slow
temperature decrease. The peak in the light curve appears when the temperature of the outer layers begin to decrease.
A change in the opacity of the outer layer of the exploded star is created by the shock wave, which heats it up to about
100,000 K, leading to hydrogen ionization, which has a high opacity. The radiation from the star’s interior cannot escape,
and we thus only observe photons from the surface of the star. The outer parts of the star only cool off after a few weeks to
about 4000 − 6000 K, at which point the ionized hydrogen start recombining into neutral hydrogen. Being transparent at
most wavelengths, neutral hydrogen forces the opacity to change appreciably at the photosphere of the star. Then photons
from the hotter, inner parts of the hydrogen envelope start to escape. After full hydrogen recombination in the hydrogen
envelope, the light curves are dimmer and generated by a radioactive tail of the 56Co to 56Fe conversions. 56Ni decays by
electron capture in 6.1 d, 56Co also by electron capture in 77.3 d, but 56Fe is stable. Fig. 9 shows the light curve from the
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Fig. 9. (Left): Observed luminosity of supernova SN1987A as a function of time. The dashed line is the exponential decay of 56Co. The solid curve is based
on calculations. (Right): Nuclear masses of neutron stars in units of solar masses for a few equations of state as a function of its radius in kilometers.
Source: (Left): Data from [502].

SN1887 [547]. A supernova. It could be beautifully related to 0.85 and 1.24 MeV γ -lines from 56Co decay. A lot (∼0.1M⊙) of
56Ni and 56Fe were formed in the first moments after the supernova explosion. The data are also consistent with predictions
of a total neutrino count of 1058 and total energy of 1046 J [480]. Recent observations of 44Ti gamma-ray emission lines from
SN1987A have been able to reveal an asymmetric supernovae explosion, open a new and challenging field for supernova
explosionmodels [548]. This is expected because some neutron stars are observedwith velocities up to 500 Km/s or greater.
But the mechanism leading to this recoil velocity during the supernovae explosion remains unknown.

9. Nuclei and nuclear matter in compact stars

White dwarfs and neutron stars are supported by degenerate fermion gases. A WD star has consumed most of its
hydrogen and helium, leading to carbon/oxygen (C/O white dwarfs), neon (C/O/Ne white dwarfs), silicon, and maybe iron.
Typical WDs have mass smaller than 1.4M⊙, although some of them are much smaller, e.g.∼M⊙/100. The large majority of
WDshave∼0.6M⊙with very little dispersion about thismean.WD radii are of the order of 104 km.MostWDare a carbon and
oxygenmixture in a proportion that is not well known. A fewmassiveWDs in nova systems contain heavy elements in their
spectra, with neon–oxygen–magnesium novae being commonly observed. The surface layers of WDs vary greatly. Another
common type of WDs are red dwarfs with 8%–50% of the solar mass, shining in red due to their low surface temperature
of 2500–4000 K. They live longer than the present age of the Universe, and are therefore very numerous. Brown dwarfs are
WDs with mass belowM = 0.1M⊙. From galactic lensing observations there is evidence of 0.5M⊙ massive objects denoted
by Massive Astrophysical Compact Halo Objects (MACHO). MACHOs could be white, brown, red dwarfs or also neutron stars,
black holes, or even planets. They might also be associated with dark matter [549].

Electron pressure is not enough to support the gravitational attraction of stars with M ∼ 1.5M⊙. During contraction,
when the density increases to 2× 1014 g cm−3, matter starts to neutronize via electron capture in nuclei, changing protons
into neutrons. A Neutron Star (NS) is born with a small radius and very dense matter. A cubic centimeter within a neutron
star weighs 100 million tons. NS are at the endpoint of stellar evolution and at the limit density that matter can have,
with the next step being a black hole. A pulsar is a rapidly rotating NS, generating high energy radiation ‘‘pulses’’ due to
a misalignment of its rotation axis and its magnetic poles. We have identified thousands of pulsars and have learned that
they are excellent laboratories, because: (a) their density is as large as those of an atomic nucleus; (b) their mass and size
generate very strong gravitational fields, second only to those of the black holes, but easier to measure; (c) they can rotate
as fast as 700 turns per second implying a rotation of their surface by 36,000 km/s; (d) NS have a larger magnetic field than
any other object in the Universe, a million of times stronger than any magnetic field that can be produced in the laboratory;
(e) their pulsations are more regular than the precision of some of our best atomic clocks.

9.1. The structure of neutron stars

Neutron stars probably consist of a massive dense core surrounded by a thin crust with a mass .0.01M⊙ and a thickness
of .1 km [550]. The interface between crust and core occurs at the density ≈ρ/2, where ρ0 = 2.8 × 1014 g cm−3 is the
density of saturated nuclear matter. The neutron star crust consists of neutron-rich nuclei, strongly degenerate electrons
and, when ρ & 4× 1011 g cm−3, of free neutrons dripped from nuclei. The NS core composition and Equation Of State (EOS)
aremodel dependent, with some constraints set by observations. The EOS are usually separated in components for the outer
(ρ . 2ρ0) and for the inner core (ρ & 2ρ0). The outer core is thought to be composed of a mixture of neutrons, protons and
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electrons, and appears in all NS’s, while the inner core is found inmassive andmore compact NS’s. The EOS and composition
of the inner core is poorly known. It might contain hyperons, pion or kaon condensates, or quark matter, or even a mixture
of these components [551].

Pulsars can rotate very fast because of the conservation of angular momentum at the time of their creation. Absorption of
orbiting matter from a companion star further increases its rotation, which can reach many hundred times per second and
lead them to amore oblate form. After this initial stage they slowdown as their rotatingmagnetic fields radiate energy away.
And as they slow down, their shape becomes more spherical. The rate with which they slow down is practically constant
and very small, only about−(dω/dt)/ω = 10−10−10−21 s/rotation. Often a NS spins up or suffers a glitch, which is a sudden
small increase in its rotation. Glitches are thought to be related to a starquake when their stiff crust rupture. Following the
starquake, a smaller equatorial radius results, and the rotation increases due to angular momentum conservation. Glitches
might also originate from transitions of vortices in the superfluid core from one metastable to a lower energy state [552].

Due to their large gravitational field, the equations of hydrostatic equilibrium need to be modified to account for the
NS gravitational balance and general relativity corrections. It is known as the Tolman–Oppenheimer–Volkoff (TOV) equation,
appropriate for a spherically symmetric body in static gravitational equilibrium,

dp(r)
dr
= −

G
r2


ρ(r)+

p(r)
c2

 
m(r)+ 4πr3

p(r)
c2

 
1−

2Gm(r)
c2r

−1
(79)

where m(r) is the total mass within radius r . The second factors within each square brackets are due to special relativity
corrections of order 1/c2. When supplemented by an equation of state (EOS), which links pressure and density, the TOV
equation yields the structure of a compact stellar object with isotropic matter in equilibrium. Neglecting the terms of order
1/c2 results in the Newtonian hydrostatic equation (26). The relativistic correction factors have all a positive effect, meaning
that as gravity becomes stronger at a position r , relativity has the effect of strengthening the gravity at that point.

The density of matter at the center of a NS is larger than that of an atomic nucleus. For such densities the EOS is still
poorly understood but we believe that we can set an upper limit on the masses of NS in the range 1.6M⊙ . Mmax . 3M⊙.
A more massive neutron star develops an extremely large central pressure and cannot be supported against gravitational
implosion. The reason is that Eq. (79) is quadratic in the pressure at very high pressures and if a star develops a too high
central pressure, it will be unable to support itself against the humongous gravitational pull. One integrates the TOV with
the boundary conditions M(0) = 0, ρ(R) = 0 and p(R) = 0, where R is the star radius. Then p, ρ and m can be computed
for increasing values of r until one arrives at p = 0, i.e. the star boundary. Model calculations can be represented, e.g., the
star mass M versus the central density ρc or versus the radius R. We show in Fig. 10, right, several solutions for M/M⊙ as
a function of star radius. We observe a general feature: the occurrence of a maximum mass for a given value of the central
density (ρc ∼ 1015 g/cm3) and a radius of about 10 km. For a non-interacting neutron gas, the maximum mass occurs
between 0.7M⊙ and 3M⊙, with a stiff EOS [553].

9.2. The equation of state for neutron stars

Neutron stars are mostly made of neutrons with a small fraction of electrons and protons. Weak decays transform a
neutron into a proton and an electron, n → p + e− + ν̄e, with the energy mn − mp − me = 0.778 MeV radiated away by
the electron and the neutrino.5 The Pauli principle prevents the decay when low-energy levels for the proton are already
occupied. A similar situation occurs for the electrons which are present in the star to balance the positive charge of the
protons. Equal numbers of electrons and protons means that kF ,p = kF ,e. The weak interaction must be in equilibrium and
as many neutrons decay as electrons get captured by means of p+ e− → n+ νe. This equilibrium is expressed in terms of
chemical potentials so thatµn = µp+µe. The chemical potential for particle i is given byµi(kF ,i) = ∂Ei/∂ni = (k2F ,i+m2

i )
1/2

and the chemical equilibrium for i = n, p, e, means that

(k2F ,n +m2
n)

1/2
− (k2F ,p +m2

p)
1/2
− (k2F ,p +m2

e )
1/2
= 0. (80)

For the NS densities,me ≪ kF ,n, Eq. (80) yields

kF ,p(kF ,n) ≃
k2F ,n +m2

n −m2
p

2(k2F ,n +m2
n)

1/2
. (81)

The pressure and energy density within a NS is the sum of those of protons, neutrons and electrons. The liquid drop mass
formula for nuclei with Z protons and N neutrons yields for symmetric nuclear matter (Z = N) an equilibrium number
density of n0 = 0.16 nucleons/fm3. The corresponding Fermi momentum is kF = 263MeV/c which is small compared with
mN = 939 MeV/c2 and justifies a non-relativistic treatment of usual nuclear matter. At the saturation density n0, the mean
binding energy per nucleon is BE = −16 MeV. The nuclear compressibility, K , defined by

K = k2F
∂(E/A)

∂k2F


kF0

= 9ρ2 ∂2(E/A)

∂ρ2


ρ0

(82)

5 Here we use h̄ = c = 1.
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Fig. 10. (Left): Binding energy per nucleon dependence on the nuclear matter density. The numerical solutions for a few different compressibilities are
also shown. (Right):Main elements of the composition of cosmic rays.
Source: (Right): Data collected from Ref. [559].

is a useful quantity for ‘‘measuring’’ nuclear pressure. This is a quantity which is not so well established but it is probably
in the range of 200–300 MeV. Another quantity called by symmetry energy (discussed below) contributes about 30 MeV of
energy (when Z = 0) above the symmetric matter minimum, occurring at n0 [554].

For symmetric nuclear matter, nn = np and the total nucleon density n = np + nn = 2nn. The average energy per nucleon
is E(n)/A = ϵ(n)/n, including the rest mass, mN . E(n)/A − mN has a minimum at n = n0 with a value BE = −16 MeV,
obtained with

d
dn


E(n)
A


=

d
dn


ϵ(n)
n


= 0 at n = n0. (83)

The curvature at n = n0 is

K(n) = 9
dp(n)
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, (84)

where p(n) = n2d (ϵ/n) /dn, defining the pressure in terms of the energy density. When n = n0, K(n0) = K , as given in
Eq. (82).

For symmetric nuclear matter, a simple model for the energy density is given by [555]

ϵ(n)
n
= mN +

3
5
h̄2 k2F
2mN

+
A
2
u+

B
σ + 1

uσ , (85)

where u = n/n0, and σ and A and B constants. The second term is the average kinetic energy per nucleon, ⟨EF0⟩. Using
Eqs. (83)–(84), and noting that u = 1 at n = n0, we can solve these equations for the parameters A, B, and σ . For a given
value of K and mean value of the kinetic energy, the energy density and pressure are completely determined:
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. (86)

Several other possible parameterizations of the nuclear matter density are described in the literature [553] and a procedure
similar to that given above can be used to obtain the EOS. Fig. 10 shows the dependence of the binding energy per nucleon
on the nuclear matter density for different EOS commonly found in the literature. The position of the minimum is at
n = n0 = 0.16 fm−3, with BE = −16 MeV, and a second derivative (curvature) there corresponding to the nuclear
compressibility K .

For non-symmetric nuclear matter one can represent the proton and neutron densities in terms of a parameter α so
that [555,554] nn = (1 + α)/2n, np = (1 − α)/2n where, for pure neutron matter, α = 1. This definition implies that
α = (nn − np)/n = (N − Z)/A. It is also usual to define the proton fraction in the star as x = np/n = (1− α)/2. In the case
of symmetric nuclear matter, α = 0 (or x = 1/2). The contribution of neutrons and protons to the kinetic energy part of ϵ
are

ϵKE(n, α) =
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2mN
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, (87)
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where

⟨EF ⟩ =
3
5

h̄2

2mN


3π2n
2

2/3

(88)

is the average kinetic energy of symmetric nuclear matter at density n. When n = n0 one obtains ⟨EF ⟩ = 3 ⟨EF0⟩ /5 [see
Eq. (85)]. For non-symmetric matter, α ≠ 0, and the excess kinetic energy is

∆ϵKE(n, α) = ϵKE(n, α)− ϵKE(n, 0) = n ⟨EF ⟩

1
2


(1+ α)5/3 + (1− α)5/3
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. (89)

For pure neutron matter, α = 1, ∆ϵKE(n, α) = n ⟨EF ⟩
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. To leading order in α,
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α2

27
+ · · ·


. (90)

We can also assume a quadratic approximation in α, so that

E(n, α) = E(n, 0)+ α2S(n). (91)

The isospin-symmetry breaking is proportional to α2. The function S(u), u = n/n0, only depends on the density of the
symmetric nuclear matter. From the energy density, ϵ(n, α) = n0uE(n, α), we obtain the corresponding pressure,

p(n, x) = u
d
du

ϵ(n, α)− ϵ(n, α) = p(n, 0)+ n0α
2S(n), (92)

where p(n, 0) is defined by Eq. (86). Around x = 0

S =
1
2

∂2E
∂α2


α=0
= J + Lx+

1
2
Ksymx2 + · · · (93)

where J is the bulk symmetry energy, L determines the slope, and Ksym the curvature of the symmetry energy at saturation,
ρ = ρ0. Heavy ion collisions and has been a method of choice to study the effects of symmetry energy in nuclei and in
nuclear matter (see, e.g., Refs. [556–558]).

With these EOS for symmetric or non-symmetric one can solve the TOV equation for a NS. Appreciable differences of the
solutions for symmetric and asymmetric EOS have been found [560]. There is no experiment on Earth that can reproduce
the matter at the high densities and low temperatures occurring inside a NS [551,553]. Theorists help in this problem
with standard mean field calculations in order to obtain the value K from the in-medium nucleon–nucleon interactions.
Microscopic theories such as Hartree–Fock, RelativisticMean Field Theories, Random Phase Approximation, or other density
functional theories, are used for the purpose [561–578]. But although some interactions reproduce many known nuclear
data, their predictions deviate considerably as the nuclear density increases [579]. As an example of such studies, we refer
to giant monopole resonances which are compressible modes of the nucleus and as such should contain information on K .
Theoretical studies using the interactions which best fit the experimental data on the excitation of such states have been
used to extract the value of K (see, e.g., Ref. [567]). Another example is the excitation of pigmy resonances in reactions with
unstable nuclei which can be used to constrain the symmetry energy dependence S of the EOS [580,581]. The determination
of neutron skins in nuclei has also been shown to be related to S [582–584]. It is worthwhile mentioning that the excitation
of giant and pigmy resonances during supernovae explosions have also an impact on predictions for the abundance of heavy
elements in the r-process [585]. The experimental study of the nuclear dipole polarizability, related to the photoabsorption
cross section by αD = h̄c/2π2e2


dωσabs(ω)/ω2, is also another alternative method to obtain the symmetry energy

[586–591].

9.3. Quark phase EOS

The matter in the NS core has densities varying between a few times n0 to one order of magnitude higher. Thus, a more
detailed knowledge of the EOS is needed for densities n ≫ n0 where a description of matter in terms of leptons and
nucleons is not sufficient. For n ≫ n0, other particles, such as hyperons and ∆ isobars, may become important and meson
condensations may take place. For extremely high densities, nuclear matter should pass by a transition to a quark–gluon
phase [592–594]. The cold quark–gluon phasewithin aNS should not be unique, and other quark–gluon phase could possibly
exist at extremely high temperatures and baryonic densities. They probably occurred during the first 10−5 s after the Big
Bang. The maximummass of a NS is modified if the phase transition from hadronic matter to quark matter is accounted for.
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A simple EOS including the deconfined quark phase uses the MIT bag model [595]. In this model, the energy density is
given as a sum of a non-perturbative energy shift B, known as the bag constant, and the kinetic energy of non-interacting
quarks of massmf , flavor f , and Fermi momentum k(f )

F = (3π2nf )
1/3, where nf is the quark density, i.e.,

ϵ = B+

f

3m4
f

8π2


xf

x2f + 1


2x2f + 1

2
− sinh−1 xf


, (94)

where xf = k(f )
F /mf . Typically, one only considers massless u and d quarks, while the mass of the s quark mass is taken as

∼150MeV. B is interpreted as the difference between the perturbative vacuumenergy density and the energy of the physical
vacuum [595]. The inclusion of a perturbative interaction between the quarks amounts to additional terms in the number
and energy densities. In the originalMIT bagmodel one uses B ∼ 50MeV fm−3, which is small compared to∼200MeV fm−3,
the value predicted by lattice calculations [596].

The energy density and EOS corresponding to Eq. (94) leads to stable solutions for compact stars, with small and very
dense stars, composed of quark matter. But a model based on Eq. (94) is oversimplified. Many other models with mixed
phases (hybrid stars) have beendeveloped including quarks, hyperons, quark nuggets, strange quarks, and so on. Strangeness
reduces the Pauli repulsion because it increases the flavor degeneracy and yields a smaller charge-to-baryon ratio for strange
quarkmatter compared to ordinary nuclearmatter. The electron chemical potential,µe is appreciably smaller than the quark
chemical potential µq, and an EOS can be deduced by a power expansion in µe/µq [597], leading to

pQM = p0(µq,ms)− nq(µq,ms)µe +
1
2
χq(µq,ms)µ

2
e + · · · (95)

where p0, nq, and χq are calculable functions of µq and of the strange quark mass, ms. The second-order expansion above
neglects the electron pressure pe ∼ µ4

e and may be used to model a QCD based EOS for NS. The mass–radius relation for NS
built from a mixed or a pure quark phases varies wildly [597].

The bottomline is that NS are rich objects, containing exotic large nuclei or pasta-like nuclei in their crust,
superconducting fluids in their interior, strong magnetic fields, and many other unique characteristics which make them a
dream object for a theorist’s imagination. Observations only set a few constraints such as mass, size, glitches, which are
nonetheless difficult to reproduce with standard nuclear physics. But so are many data on nuclear reactions presently
available from laboratory experiments on Earth. A very large number of pulsars (>2500) have been identified in the
Galaxy [598–600], about 90% (at least for radio pulsars) of which are single stars and about 250 of them are binary pulsars.
There are now firm observations of neutron stars with masses of about 2M⊙ [601]. This sets strict constraints on the EOS for
NS. Only a few EOS can reproduce the mass–radius relation as displayed in Fig. 9 and achieve 2 solar masses at small radii.
Those EOS would have higher pressures at densities above 4ρ0. A recent review has discussed in details the implications of
2M⊙ NS for nuclear physics and astrophysics [602].

10. Cosmic rays

The Earth is bombarded by a nearly constant flux of charged particles originated from elsewhere the cosmos. They have
either galactic or extragalactic origin, with an intensity of the primary cosmic rays of approximately 2–4 particles/s/cm2.
It consists basically of nuclei (98%) and electrons (2%). There is a predominance of protons (87% by mass) and α-particles
(12% by mass) and the remaining 1% includes other nuclei, with a sharply decreasing abundance as their masses increase.
The energy distribution and chemical composition of primary cosmic rays is displayed in Fig. 10, right. The distribution
is nearly independent of energy over the dominant energy range from 10 MeV to several GeV. As seen in the figure, the
main component are protons, with about 10% of helium and a much smaller admixture of heavier elements. The chemical
distribution of the elements in our solar system differs substantially from that of the cosmic rays with the most dramatic
feature being an enormous enrichment of the elements Li/Be/B in the cosmic rays. When compared to with C, N and O their
solar abundances amounts to∼10−6, whereas in cosmic rays this ratio is close to−0.2 [603].

They are richer in even Z elements compared to odd Z and relatively enriched in heavy elements relative to H and He. It is
not displayed in the figure, but numerous elements heavier than iron have been observed with abundances equal or smaller
than ∼10−5. E.g., the C, N and O abundances amounts to ∼10−6, Much of this information was obtained with satellite and
spacecraft measurements in recent years. The abundances of even Z nuclei with 30 < Z < 60 are in good agreement with
the corresponding abundances in the solar system, while the abundances for 62 < Z < 80, in the platinum-lead region, are
larger compared to that of the solar system by nearly a factor of two. This might be due to contributions from the r-process
elements in this mass region. This would be expected because r-processes occur in core-collapse supernovae, which could
be a primary source for the acceleration mechanism of low energy cosmic rays and add to the cosmic ray composition in
solar abundances. Nuclei such as Li, Be and B, have a small percent in cosmic rays, but are several orders of magnitude larger
than the their abundance in the whole Universe. That is because these elements are not products of nucleosynthesis in stars,
but part of the secondary cosmic ray radiation. In fact, the abundance of several isotopes pertaining other than the elements
Li/Be/B in cosmic rays are different from the universal average. For example, the isotopic ratio 3He/4He is about 200 times
larger in cosmic rays than found elsewhere in the cosmos. There is an increasing observational evidence that the cosmic
rays origins are linked to supernova remnants [604,605], but this hypothesis is far from being settled [606–610].
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11. Summary and conclusions

In the last 80 years we have witnessed an enormous progress in the understanding on how elements are formed in the
Universe. The progress in this knowledge is now growing faster due to advances in technologies such as the use of satellites
as a tool for astronomical observations. Theoretical simulations are also much better nowwith advances in computers both
in speed, storage, and new algorithms. There are still many problems that remain and that we have discovered when we
increased our knowledge progressively. The more we dig into these issues the more we learn, but also new questions arise
that we did not know before. We have just learned about the lithium problem in Big Bang nucleosynthesis, we discovered
that neutrinos are more complicated than initially thought, but then they also became a powerful tool to unravel many
more details of the cosmic evolution. We just started learning about neutrino induced nucleosynthesis. We cannot really
reproduce the observed abundance of elements in our Universe. But we have pretty good ideas on how it has evolved.

Some theories beyond the standard model have been and will continued being tested with robust models that have
been developed for nucleosynthesis in diverse scenarios. But we still need to know how core-collapse supernovae explode,
although we have nearly exhausted our imagination on the problem. The solution of such problems could lie in the small
details of the physics that we already know but that is hard to implement theoretically or tested experimentally. We are not
convinced of what is the site of the r-process and how neutron star mergers may contribute to it. A deeper understanding
of nuclear structure and nuclear reactions is key to answer these questions and many other discussed in this review. Only
recentlywe havewitnessed the correlations in reaction networks involving nuclei far from the stability. Newnuclear physics
facilities and major efforts in nuclear theory will be crucial to connect the microscopic dynamics of nuclear systems and
the big questions in cosmology and stellar physics. Some reactions seem to be beyond direct measurement with present
technologies and some nuclear physics problems are heavily based on theory. Being one of the hardest problems in all
science, the nuclear physics part of this endeavor will require many more decades of dedicated work.
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